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Abstract

The High Energy Stereoscopic System (H.E.S.S.) consists of an array of four ground-based
imaging atmospheric Cherenkov telescopes. The aim of the system is to detect Cherenkov
radiation emitted from extensive air showers caused by very high energy gamma-ray ra-
diation interacting with the atmosphere. The implementation of more than one telescope
allows multiple views of a single extensive air shower, providing a more accurate recon-
struction of the event and offerring greater cosmic ray background suppression, allowing
better analysis of gamma rays. Unlike charged particles, gamma rays reach the Earth
in the direction in which they were emitted thus allowing us to investigate the emission
mechanisms and properties of various gamma-ray sources.

Since Cherenkov radiation is produced and propagates through the atmosphere, the
atmosphere plays a large role in the detection of gamma rays and must be monitored
carefully. This thesis will explore the effects of the atmosphere on the H.E.S.S. telescopes
and gamma-ray analysis and is structured as follows: The first chapter highlights all
the important aspects of very high energy (VHE) gamma-ray astronomy focusing on the
H.E.S.S. system. Chapter 2 gives a general overview of active galactic nuclei (AGN)
and the extragalactic background light (EBL) as a precursor to data analysis in Chapter
4. Chapter 3 discusses the atmosphere and atmospheric monitoring performed at the
H.E.S.S. site. I present data analysis of the four atmospheric monitoring instruments
revealing seasonal trends and cross-correlations between instruments. Chapter 4 contains
the heart of the thesis, where all aspects from the previous chapters are integrated to
show the effects of the atmosphere on the H.E.S.S. system and subsequent AGN and
EBL data analysis. I first compare trigger rate data from the telescopes and data from
the atmospheric monitoring instruments. It is shown that backscatter, sky radiance, and
transmissivity are correlated to the trigger rate to various degrees. It is then shown
that gamma-ray data is less affected by varying atmospheric conditions, especially for
the higher energy gamma rays. Active atmospheric calibration is then presented as a
way to correct gamma-ray data when there is a large amount of low-lying aerosols in the
atmosphere. This method is subsequently used to correct the gamma-ray fluxes for 2
AGN, PKS 2155-304 and H 2356-309. It is shown that the correction works best for the
hlgher flux source PKS 2155-304 rather than H 2356-309 whose flux is often consistent

with zero. These ACN are then used to calculate upper limits to the EBL using a simple



i

monoenergetic model. The upper limits to the EBL in the wavelength range of 0.4-1 um
are shown to be consistent with the results from the most exhaustive study of the EBL
testing over 8 million EBL shapes. Chapter 5 is the concluding chapter discussing future
work to be done at H.E.S.S. site, with the addition of a new LIDAR and VHE telescope,
and beyond.
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Chapter 1

Very High Energy Gamma-ray

Astronomy

Gamma rays are the most energetic form of radiation, with energies ranging from ~100
keV (10° eV) to over 100 TeV (10'* eV). This range spans nine orders of magnitude,
which is approximately the range of X-rays to microwaves, and so there are pronounced
differences between the lowest and highest ends of this range. Namely, there are distinct
methods for detecting different bands of energy. These energy boundaries are arbitrary
and are listed in Table 1 as defined by Weekes [152].

Gamma rays with energies greater than ~30 MeV are dominated by non-thermal
processes and are a means to observe the extraordinary and extreme Universe. The
discriminating factor separating high energy (HE) and very high energy (VHE) gamma
rays is the physics involved in their detection. High energy gamma rays are detected
in space above the atmosphere by pair production while the highest energies (VHE and
ultra high energy (UHE)) are indirectly detected on the ground due to their extremely
low flux. At the present time AGILE is the only running space-based experiment [103],
while GLAST is set to launch in 2008 [113]. There are many ground-based experiments
running or in development and will be briefly discussed in Section 1.5. This thesis will
focus on H.E.S.S., a leading system of ground-based VHE gamma-ray telescopes.

The High Energy Stereoscopic System (H.E.S.S.) is a ground-based gamma-ray ob-
servatory used to detect VHE gamma rays, an important part of the total gamma-ray
spectrum. Very high energy gamma rays are an exciting way to look at the different
objects in the Universe, opening a door to the newest field in astronomy. Moreover, VHE

gamma rays hold a key to understanding long standing problems in astronomy such as
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1. 1.1. Cosmic Rays

Table 1.1: The different gamma-ray energy ranges and their detection methods [152].

Gamma Rays Energy Range Detection Method
Low Energy (LE) 100 - 300 keV photoelectric effect
Medium Energy (ME) 300 keV - 30 MeV | Compton scattering
High Energy (HE) 30 MeV - 100 GeV pair production
Very High Energy (VHE) | 100 GeV - 100 TeV | Cherenkov radiation
Ultra High Energy (UHE) >100 TeV extensive air showers

the origins of cosmic rays and information about the extragalactic background light.

1.1 Cosmic Rays

In 1912, pioneering work was undertaken by Victor Hess! in attempt to investigate the
source of ionisation in the atmosphere. He risked life and limb in balloon experiments
armed with a gold leaf electroscope to measure this ionisation up to altitudes reaching
over 5 km. On his flights he discovered that ionisation increased with altitude. This
claim was then confirmed by Werner Kélhorster travelling up to even greater heights of
9 km. This increasing ionisation was attributed to particles originating from outside of
the Earth, and was coined ‘cosmic rays’ in 1926 by Robert Millikan who wrongly thought
these particles to be gamma rays due to their penetrating power. It wasn’t until the 1930s,
through cosmic ray measurements at varying latitudes, that cosmic rays were confirmed
to be charged particles [132].

We now know that cosmic rays are high energy particles composed mainly of nuclei
(97% by number) and 3% electrons. The nuclei consist of 87% protons, 12% helium,
and 1% heavier elements [101]. The energy density of high energy cosmic rays (with
energy per nucleon > 1 GeV) is approximately 1 eV cm™3. This quantity is comparable
to the energy density of the interstellar magnetic field (~ 0.2 eV cm™3), the local energy
density of starlight (~ 0.3 eV cm™2), and the energy density of the microwave background
radiation (~ 0.3 eV cm™3) [101]. This highlights the fact that cosmic rays contribute a
significant fraction of energy to the Universe.

The energy distribution of cosmic rays takes the shape of a power law, suggesting

‘non-thermal’ processes are used to accelerate the particles; ‘non-thermal’ technically

- t-is-in“honour of Victor Hess that the discussed system used to probe into the nature of cosmic rays
through VHE gamma rays is named H.E.S.S.









1. 1.2. VHE Gamma Ray Interactions

Figure 1.3: Cosmic rays travelling in twisted paths due to the Earth’s magnetic field, from
[69].

servations of other supernova remnants can be explained by electron acceleration alone,
this is the first source to give possible verification for the acceleration of protons to such
high energies. Other sources that would be potential sites for cosmic ray acceleration
are typically supernova remnants associated with molecular clouds, which would provide

sufficient particle density for the interaction and acceleration of hadrons [111].

1.2 VHE Gamma Ray Interactions

Gamma-ray interactions come in many forms. Gamma rays can be produced through
interactions with matter and radiation fields; they can result from hadronic interactions
through particle decay; they can be destroyed through pair production interacting with
matter or other photons, or they can be produced through particle annihilations. These

processes are well studied physical phenomena and will be explained briefly in this section.

1.2.1 Compton Scattering

Compton scattering is an inelastic scattering process in which a photon scatters off an
electron (or any charged particle), transferring energy from the photon to the electron, as
shown in Figure 1.4. The amount of energy transfer can be derived from conservation of
energy and momentum. Assuming the electron is initially at rest, the change in wavelength

of the incoming, Ag, and scattered photon, A is,

5









1. 1.2. VHE Gamma Ray Interactions

Inverse Compton scattering is a gamma-ray production method that dominates many
environments. Some of these include, but are not limited to: active galactic nuclei [14, 10],

supernova remnants [20, 5|, pulsar wind nebulae {15, 21], and microquasar jets [11].

1.2.2 Synchrotron Radiation

The treatment of proton synchrotron radiation is identical to the more common electron
synchrotron radiation, but is scaled to the proton mass. For this reason synchrotron
radiation is discussed in the context of electrons.
The force of a magnetic field causes a non-relativistic electron to move in a circular or
helical path with the frequency [73],
eB

We = , (1.2)
MeC

where e is the charge of an electron, and B is the magnetic field magnitude. This electron

will radiate electromagnetic waves equally in all directions, like a dipole, with a frequency

of w., as shown in Figure 1.6(a). Conversely, relativistic electrons will radiate energy in

the shape of a cone that is beamed forward in the direction of the electron’s instantaneous

velocity, as shown in in Figure 1.6(b). The angle of emission of the cone is given by [151],
mec? 1

Os ~ E "5 (1.3)

where E, is the energy of the electron. In general, radiation will be observed from a

relativistic electron with the frequency,

We

Wy = P (1.4)
Therefore, a viewer situated perpendicular to the electron’s plane of rotation will observe
pulses of synchrotron emission with a period, P = 27/w,. The width of the observed
pulses (At,) is smaller than the time between the pulses (At) by a factor of As/c, where
As = 2a/v is the distance travelled by the particle and a is the gyromagnetic radius,
as shown in Figure 1.6(c). Using the relativistic equations of motion for a particle in a

magnetic field,
| 'yme%‘t—, = gv x B (1.5)
with |Av| = vAf. Solving for At = (2mec)/(eBsina) = 2/(w,sin ), where « is the angle

8



1. 1.2. VHE Gamma Ray Interactions

between the velocity of the particle and magnetic field, the width of the observed pulses

therefore becomes [128],

At, = At — (As/c) = At <1 - —) ~ (Yw,sina) ™ (1.6)

where As = AvAt and (1 — v?/c?) =~ 1/(27?).

The spectrum of the synchrotron pulse is found through the Fourier transform of the
pulse’s electric field and contains harmonics of the frequency w, [73]. The spectrum over
a range of frequencies can often be approximated by a power law with a spectral index,
I". Therefore, the relation between frequency w and the power per unit frequency is,
P(w) < w=l. In astrophysical situations, a power law distribution of electrons is often
taken to be the source of synchrotron radiation. Consequently, as derived in [128], the
spectral indices of synchrotron radiation and the electrons that produce that radiation
can be related by, I' = (p — 1) /2, where p is the spectral index of the electron population.
This implies that if the spectral index of the synchrotron spectrum can be measured, the

distribution of electrons can be known.

Another important feature of synchrotron radiation is its high level of polarisation.
The polarisation for a single electron in a magnetic field can reach up to 75% [128] and
ranges from 10-75% in astrophysical environments [1]. This marked feature helps to

identify synchrotron radiation.

Synchrotron radiation has been detected in radio waves up to X-rays, depending on the
magnetic field and electron energy distribution of the source. Typical magnetic fields in
astronomical objects range from microgauss in interstellar space [33] up to 10 Gauss in
highly magnetised pulsars [155]. Such radiation emitted from particles accelerated along
strong magnetic field lines is called curvature radiation in which the magnetic field is so

strong that particles travel along the field lines [102].

Synchrotron radiation is thought to be the process driving non-thermal X-ray emission
from active galactic nuclei [14], supernova remnants [21, 20] and pulsar wind nebulae [15],
and is a red flag for particles being accelerated to very high energies. Most importantly
for VHE astronomy, synchrotron radiation can also provide a target photon population
for inverse Compton scattering of synchrotron photons to very high gamma-ray energies
[86], such as in the synchrotron self-Compton (SSC) model [73, 126] generally applied to

AGN gamma-ray emission scenarios, as will be discussed in Section 2.1.3.

9









1. 1.2. VHE Gamma Ray Interactions

1.2.4 Hadronic Interactions

Gamma-ray emission through hadronic interactions mainly comes from high energy pro-
tons interacting with matter producing neutral pions (7). Neutral pions subsequently
decay into two gamma rays. This process is shown in Figure 1.8.

Detecting gamma-ray emission from hadronic interactions is crucial to the understand-
ing of the origin of cosmic rays, as discussed in Section 1.1. Gamma rays from pion decay
are most likely to be found in regions of high molecular density where particles can be

accelerated to high energies, such as in the shock fronts of supernova remnants [111].

Nucleon
/ucleon
Proton - / m
Target
nucleus

]

2 gamma rays

Figure 1.8: Gamma-ray emission via 7 decay, from [152].

1.2.5 Electron-Positron Pair Production with Photons and Mat-

ter

Gamma rays interacting with low energy photons annihilate to produce electron-positron

pairs shown schematically by v+ v — e~ + e and in Figure 1.9. Annihilation is only

12









1. 1.3. Sources of VHE Gamma Rays

1.3 Sources of VHE Gamma Rays

Very high energy gamma rays have mainly been detected from supernova remnants, mi-
croquasars, pulsar wind nebulae, and active galactic nuclei. These constitute many inter-
esting classes of objects that can be studied through VHE gamma-ray astronomy and are
introduced in the following section.

Discoveries made in the last couple of years provide many firsts for VHE gamma-ray
astronomy and illustrates a very exciting time with many more discoveries sure to come.
This section will highlight some recent H.E.S.S. discoveries and observations, while recent

review of VHE gamma-ray sources can be found in [44].

1.3.1 Galactic Sources

The most populated areas of the galaxy is where one might expect to find sources of
VHE gamma rays. For this reason, the galactic plane was scanned to investigate different
source classes of VHE gamma rays and to search for unknown types of emitters [22]. The
first H.E.S.S. survey of the inner galaxy (—30° < [ < 30°, —=3° < b < 3°) revealed 14
previously unknown VHE sources with a detection significance of > 4¢, many that are
possibly associated with SNRs, PWNe, or X-ray binaries (XRB), and 3 with no plausible
counterparts at other wavelengths.

The central 200 parsecs of our galaxy harbours several potential sites for particle
acceleration, and hence VHE emission. Three discrete sources have been detected in
the region. The first one lies about 5” from the supermassive blackhole Sagittarius A*,
another is coincident with a SNR, G0.9+0.1. The third is an unidentified source ~ 1° away
from Sagittarius A*, HESS J1743-303 and has no clear counterparts at other wavelengths.
Upon subtraction of these sources, diffusive gamma-ray emission is found and is correlated
with molecular clouds in the region. This is the first case that such a correlation has been
found at these energies [80].

The pulsar wind nebula of the Crab Nebula was the first firm VHE gamma-ray de-
tection in 1989 with the Whipple telescope [153]. Since then, the Crab has become the
standard candle for VHE gamma-ray astronomy as the strongest known source in the sky
(as well as being reliably constant). The VHE spectrum of the Crab is shown in Figure
1.11. Since the Crab has been detected, supernova remnants (SNRs) and pulsar wind
nebulae (PWNe) have been found to be the most common type of VHE galactic source.
Binary systems- and star-forming regions- are also a type of source with a few sources

contributing to the growing VHE gamma-ray catalogue.

15



1. 1.3. Sources of VHE Gamma Rays
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Figure 1.11: The Crab Nebula spectrum [21]. The Crab is the standard candle for VHE

gamma-ray astronomy due to its strong and constant flux.

Supernova Remnants

Supernova remnants (SNRs) are leftover material from exploded stars. Upon explosion
they release tremendous amounts of gravitational energy accelerating particles to rela-
tivistic speeds. Subsequent acceleration of particles takes place in the magnetic fields of
the SNR’s expanding shock fronts. Supernovae are prime candidates for accelerating cos-
mic rays in the Milky Way because they are thought to be the only population of objects
capable of supplying the galaxy with such great energies. For example, the gravitation

energy released in the core collapse of a supernova explosion is,

GM,
R.

AEgq ~ ~ 10" ] (1.7)

where G is the gravitational constant, M, is the mass of the collapsed core (~ 1.5M),
and R, is the final radius of the collapsed core which is ~ 20 km in the case of a neutron
star. The energy of 10 J compared to the energy radiated by the supernova in a year
(~ 10%* J) or the energy required to eject the outer layers of the star (~ 105 J) are only a
fraction of the released energy. The energy source needed to fill the galaxy with a cosmic

' .fay.energy density of ~1 eV cm™3 over the time it would take a cosmic ray to travel to

16



1. 1.3. Sources of VHE Gamma Rays

Earth from the other side of the galaxy is < 10%° J. This is again a small fraction of the
total energy released upon explosion.

The mechanism of particle acceleration through magnetic fields is thought to be well
understood theoretically, yet unequivocal evidence for the production of high energy pro-
tons in supernova remnants have proven hard to find [5].

RX J1713.7-3946 is a SNR where proton acceleration is thought to occur in the north-
eastern rim of the supernova shell where gamma-ray, X-ray, and molecular densities are
the highest. Figure 1.12 shows an image of the remnant taken with the H.E.S.S. telescopes
and is the first image taken in VHE gamma-rays. RX J1713.7-3946 was observed over
3 years with an unprecedented precision of 0.06° revealing the detailed structure of the
remnant. The spectrum extends over 3 orders of magnitude with significant emission ap-
proaching 100 TeV. This energy coverage is presumably at the limit of present generation
Cherenkov telescopes. Data suggests a leptonic as well as a hadronic acceleration of these
particles to energies greater than 100 TeV [5, 27]. This is a key source in understanding

where cosmic rays come from, as are others such as RX J0852.0-4622.

B » HES.S.data
— 1011_ —Fit
S i ----Fit 2004
o —
- 13
o 10 L—
'E ;:_‘
O 10—
o [ T
© -
2 A7
5 107k |
-19 K
10 1 1 llllll] 1 l;LllJ_LlI 1 1 IlIIlI|'

1 10°

10
Energy ( TeV)

Figure 1.12: The spectrum of RX J1713.7-3946, extending 3 orders of magnitude, which is
presumably the limit of present generation Cherenkov telescopes [27].

RX J0852.0-4622, a shell-type SNR similar to RX J1713.7-3946, is the largest extended

source (2° in diameter) ever resolved by a Cherenkov telescope, and is shown in Figure
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1. 1.4. How VHE Gamma Rays are Detected

1.4 How VHE Gamma Rays are Detected

As shown in Section 1.2.5, the atmosphere is opaque to very high energy gamma rays, so
they cannot be detected directly on the ground. On the other hand, it is not plausible
to detect them in space due to the large collection areas needed to detect their low flux.
Fortunately, VHE gamma rays are able to be detected indirectly on the ground through
the relativistic air showers they produce. These showers in turn interact with atmospheric
particles creating Cherenkov radiation that we can detect.

The most effective method of detecting VHE gamma rays is by collecting Cherenkov
radiation with reflecting optical telescopes fitted with a high speed camera. This, along
with the methods used to separate the VHE gamma-ray signal from the overwhelming
background signal created by cosmic rays, is collectively called the imaging atmospheric
Cherenkov technique (IACT).

1.4.1 Extensive Air Showers

Extensive air showers (EAS) are created by gamma rays or cosmic rays interacting with
particles in the atmosphere producing a cascade of secondary particles that propagate to
the surface of the Earth. There are many important differences between the two types of

showers, which will discussed separately in the following sections.

Gamma-ray Air Showers

A gamma ray with an energy greater than 10 MeV initiates an air shower by pair pro-
duction as it travels through the atmosphere [152]. These showers are of electromagnetic
nature consisting of electrons, positrons, and photons. The cross section for pair produc-
tion is fairly constant for gamma-ray energies 2 100 MeV and will pair produce around 10
kilometres above sea level (a.s.l.) [152]. The higher energy showers are more penetrating
compared to the lower energy showers due to the increased amount of energetic particles
and Cherenkov light produced. _

The simplest model of an electromagnetic shower was developed by Bethe and Heitler
[37] and is shown in Figure 1.22. A gamma-ray air shower begins when a VHE gamma ray
creates an electron-positron pair by interacting with the electric field of an atmospheric
molecule (N3 or Og). The electron and positron are assumed to share the energy of the
primary gamma. ray equally and are therefore moving relativistically. When the relativistic

electron or positron comes into the electric field of an atomic nucleus, the lepton gets
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nucleus, as in the case of the original hadron, or decay into muons (7% — p* + v, or
7~ — p~ +1,). Charged muons can in turn decay into positrons or electrons and their
accompanying neutrinos, or if energetic enough, due to their longer lifetimes of 2.2 x 1078
s!, can penetrate to the surface of the Earth. The products of a hadronic air shower
will generally multiply until the energy per particle drops to around 1 GeV, which is the
energy required for multiple pion production [101]. Figure 1.23 shows the development of
a hadronic shower.

Primary
Cosmic Ray

et o
Electromagnetic
Electsrunqnetic Shower

Figure 1.23: The development of a hadronic shower, from [101].

1.4.2 Cosmic Ray Background

Cosmic rays consisting of protons and alpha particles (hadrons) make up the majority of
particles hitting the atmosphere, with electrons making up roughly 3% and heavier ions
making up less than 1% of the total cosmic ray population.

- While gamma-ray initiated showers are of primary importance, cosmic ray showers

cannot be ignored because they provide a huge background (10® — 10* times the gamma-
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ray signal) for gamma-ray astronomy. Fortunately, hadronic and gamma-ray showers have
different properties that can be used to separate the two.

2 compared to 38 g cm™~? for a gamma ray.

The radiation length for a proton is 80 g cm™
This means that gamma rays will initiate particle showers higher up in the atmosphere
than protons. The major difference between hadronic showers and gamma-ray showers are
the types of particles they produce, explained in the previous section. As a consequence,
gamma-ray showers produce two to three times more Cherenkov light than a hadron of the
same primary energy. Another distinguishing feature between the two types of showers is
that the particles in a hadronic shower are noticeably more dispersive and irregular than

gamma-ray showers. This is shown in Figure 1.24.

1 TeV Gamma-ray 1 TeV Nucleon
20km

10km

Okm

-800m Oom  800m -800m Om 800m

Figure 1.24: Simulations of particle showers initiated by a 1 TeV gamma ray (left) and a 1
TeV hadron (right). The differences between the showers are visually apparent in the size and
shape (Courtesy of Hugh Dickinson).

Electrons are also a part of the cosmic-ray background, but produce electromagnetic

showers of the same nature as gamma rays. It is therefore difficult to distinguish this
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background from the gamma-ray showers, but they are not of great importance due to
their low flux at high energies [63]. However, with the method described in [81], the first
measurement of the cosmic ray electron spectrum above 1 TeV has been obtained with
an exponential cutoff at ~ 1.8 TeV.

Muons are a byproduct of hadronic showers produced in the lower part of the at-
mosphere and produce their own special Cherenkov signal. The abundance of muons
can be a nuisance because their Cherenkov signal can be mistaken for a gamma-ray sig-
nal. Although, the localisation of muon production close to ground level means that
their Cherenkov signal is emitted close to the telescopes and can generally be eliminated

through coincident observation with multiple telescopes [63].

1.4.3 Cherenkov Radiation

When a charged particle in an extensive air shower, such as a electron or muon, moves
through the atmosphere, the charged particle’s electromagnetic field polarises the atmo-
spheric molecules surrounding it. As the particle moves away from the molecules, the
molecules radiate as a consequence of returning back to their nonpolarised equilibrium
state.

If the particle is moving non-relativistically, the polarisation is symmetrical around
and along the particle’s trajectory, and the radiation emitted interferes destructively.
Therefore no radiation is detected.

If the particle is moving faster than the phase velocity of light in the atmosphere,
v > ¢/n, where v is the speed of the particle, ¢ is the speed of light, and n is the
refractive index of the atmosphere, there is a non-symmetrical dipole field along the
trajectory that produces detectable radiation [152]. In other words, as the particle moves
through the medium, the wavefronts of the emitted radiation created by the particle at
an earlier time cross with wavefronts emitted some time later. These wavefronts interfere
constructively forming coherent radiation. This observable radiation is called Cherenkov
radiation, shown in Figure 1.25.

The amount of Cherenkov light emitted per pathlength is given by [68],

W~ oraz? /: (1 - W(I—AW> o (1.8)

where 2 is the charge of the particle, « is the fine structure constant, and § = v/c. The -

Virnﬁtensity of Cherenkov light does not increase indefinitely to shorter wavelengths such
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Main emission
region of light
in y-ray showers

Main emission
region of light
for a proton shower
1 TeV proton

Figure 1.28: Amount of Cherenkov radiation being emitted at different heights of a simulated
electromagnetic shower [63]. The angled lines show the Cherenkov light paths. The dotted
region is where 50% of light is emitted from a 1 TeV gamma-ray shower whereas the dashed
box indicates the main region of emission for a 1 TeV proton. It can be seen that the proton

is emitting at a lower height and has a more dispersive shower than of a gamma-ray initiated
shower.

”
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Figure 1.29: Lateral distributions of Cherenkov radiation of 100 GeV showers for the H.E.S.S.
site (curves 1 and 2) and Narrabri, Australia (curves 3 and 4), from [118]. The Cherenkov ring
is apparent in the rise of photon density around 120-150 m. Also, curves 1 and 3 are in the
presence of no geomagnetic field while curves 2 and 4 take into account the geomagnetic field.
It can be seen that curves 2 and 4 have a lower photon density resulting from the dispersion of
the air shower and Cherenkov light.
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1.5 VHE Gamma-ray Telescopes

VHE gamma-ray astronomy has grown from the confirmation of Cherenkov light by air
showers using a single PMT in the focus of a 25 cm parabolic mirror in 1953 [71], to
the use of complex systems of electronics, mirrors, data analysis techniques developed by
major multinational collaborations around the world. There are currently 4 major IACT
telescopes in operation with 2 in the southern and 2 in the northern hemisphere. Table
1.5 lists the major IACTs and some of their main operational properties. A review of
these and other experiments using different techniques can be found in [44]. A review of

past experiments can be found in [152, 63].

Table 1.2: Major imaging atmospheric Cherenkov telescopes currently in operation, from [44].

| Experiment | Location | # of Telescopes [ Energy Threshold | FOVS |
CANGAROO III [156] Australia 3/4 250 GeV 4°
HESS [21] Namibia 4 100 GeV 5°
MAGIC [32] La Palma 1 50 GeV 3.5°
VERITAS [82] Arizona (USA) 4 100 GeV 3.5°

1.5.1 H.E.S.S. Telescope Array

The H.E.S.S. site in Namibia, 23° 16’ S 16° 30’ 1800 m a.s.l., was chosen for its excellent
seeing conditions. Phase I of the H.E.S.S. system was completed in December 2003 and
consists of 4 IACTs, each with a total area of 107 m?, arranged in a square with 120 meter
sides (shown in Figure 1.30), optimised to the lateral spread of a Cherenkov light pool.

Each telescope is made up of 380 spherical mirror facets each 60 cm in diameter. The
mirrors are set up in a Davies-Cotton configuration [52]. In this configuration all the
facets have the same focal length and are situated on a spherically curved surface. The
diameter of each telescope is d = 13 m with a focal length of f = 15 m [36].

The camera has a field view of 5° containing 916 pixels per camera with a pixel size
of 0.16° = 2.8 mrad. This large field of view makes it easy to observe extended sources
such as supernova remnants, which can have angular sizes up to 2°. The pixels consist

of photomultiplier tubes (PMTs), sensitive to Cherenkov light of wavelength 300-500 nm,

5FOV = Field of view.
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The H.E.S.S. telescopes are setup as a stereoscopic system. Since the Cherenkov
light pool extends over a large circular area (~40,000 m?) on the surface of the Earth,
each telescope can observe a given shower from a different perspective, resulting in a
more accurate reconstruction of the shower geometry, better angular resolution, energy
resolution, and background suppression [36].

H.E.S.S. detects photon energies from 100 GeV to above 30 TeV [27], has a flux
sensitivity down to about 10~!! photons cm™2 s™' (1% of the Crab Nebula’s flux for

E, > 100 GeV), and has angular resolution better than 0.1° allowing a position error of
30",

1.6 H.E.S.S. Standard Analysis

H.E.S.S. standard analysis is used for reconstructing the direction and energy of incident
gamma rays, and for determining the energy spectrum and flux of detected sources, while
rejecting the large cosmic-ray background [34].

While there are other independent techniques used such as 3D model analysis [100, 54],
standard analysis has been used in all H.E.S.S. publications and will be discussed in detail.

Observations are taken in 28 minute interval runs. When two or more telescopic data
signals are coincidently triggered, the data are sampled over a 16 ns interval and the event
becomes a candidate for event reconstruction. The analogue signal from each triggered
pixel is amplified via two channels (high gain and low gain) and converted into digital
(ADC) signals that are then sent to the computer farm to be processed. If the event is
free from hardware malfunctions (e.g. too many turned off pixels) and poor observing
conditions (e.g. clouds), it is sent along the analysis chain for calibration and image

cleansing.

1.6.1 Calibration

The process of calibrating the ADC signal involves converting each pixel signal into a
corrected number of photoelectrons. The number of photoelectrons is corrected for the
differences in the performance of each pixel. The corrected photoelectron amplitude for

high and low gain channels is given by [4],

HG: ADCHG _ PHG

ADC
e

A x FF (1.9)
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and
ADCG — pLG
ALC = SADC x (HG/LG) x FF (1.10)
where ADCHS and ADCC are the uncorrected digital signals for the high and low gain

channels, P#¢ and PC are their pedestal values, y2P¢

is the value of high gain in digital
counts per photoelectron, (HG/LG) is the amplification ratio of high to low gain, and
FF is the flatfield coefficient. Pedestal values measure the electronic noise of the cameras
and are defined as the mean digital value recorded in the absence of Cherenkov light.
The flatfielding coeflicient corrects for different optical and quantum efficiencies between
pixels within the camera.

Imaging cleansing is done to remove noise from the image and requires a pixel to have
a signal greater than 10 (or 5) photoelectrons (PEs) and a neighbouring pixel to have a
signal larger than 5 (or 10) PEs. This ensures the selection of only the pixels containing

Cherenkov light.

1.6.2 Hillas Parameterisation

After image cleansing, the moments of the images are parameterised using Hillas-type
analysis [63]. The zeroth moment is defined as the sum of all signals in all pixels after
cleaning. The first-order moments describe the position of the image. The second-order
moments describe the extent of the image. The third-order moments may be interpreted
in terms of describing the overall shape of the image in the focal plane. Some of the
most important shower image parameters are size, length, width, distance, miss, alpha,
and azwidth. These parameters are defined in terms of their moments in Appendix B and
are shown in Figure 1.31.

Images must pass size and distance cuts in order for the shower event to be recon-
structed. The size cut requires the image to have a total minimum signal to ensure proper
reconstruction while the distance cut requires that the centre of gravity of the image to
be less than 2° from the centre of the camera so as to avoid cutting off any part of the

image by the edge of the camera [34] .

1.6.3 Geometrical Reconstruction

Geometrical reconstruction of the image is performed to determine the direction of the
incident particle and shower core. This is done using the major elliptical axis of each

image (Figure 1.32). The shower direction is determined by a weighted average of the
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Image centre

Centre of field of view

Figure 1.31: Hillas parameters of an idealised gamma-ray Cherenkov light image, from [63].

intersections of all pairs of major axes projected in the field of view of the telescope.
The shower core location is determined by the intersections of the axes relative to each
telescope’s position, projected into the plane perpendicular to the telescope’s pointing
direction. The typical angular resolution per event is ~ 0.1° and the average accuracy in

determining the shower core is ~ 10 m [34].

Length and width parameters are the most important for background elimination but
have poor acceptance at high energies and do not account for more than one telescope, so
parameters that scale with energy and take multiple telescopes into account, mean-scaled-
width (MSW) and mean-scaled-length (MSL), were developed by HEGRA [51]. H.E.S.S.
takes this one step further and introduces a parameter called mean-reduced-scaled-width
(MRSW) and mean-reduced-scaled-length (MRSL) given by,

Niel : .
MRSW — 1 Zmdth, (width;)

tel i=0

(1.11)

Oj
where Ny, is the number of telescopes triggered, width; is the measured width of the image,
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Figure 1.32: Illustration of a gamma-ray air shower and the Cherenkov images produced in
the camera. The intersection of the major axis of each image is used to determine the position
of the shower core (Courtesy of Hugh Dickinson).

(width;) and o; are the expected simulated values of the width and standard deviation for
gamma rays based on the observed image intensity, reconstructed impact parameter (the
distance between the point of impact of the image and the shower core), and zenith angle.

A similar equation is found for MRSL.

Two other important cuts are on 62, the square of the angular distance between the
reconstructed shower position and source position, and a cut on the total number of
photoelectrons contained in the image. There is a standard set of cuts applied to all
points sources with 82 < 0.0125° requiring at least 80 PEs in the image. In addition, cuts

can be optimised to ‘hard’ and ‘loose’ if the spectrum is known. Hard cuts, optimised for
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a 1% Crab Nebula flux source with a 2.0 spectral index, require 6% < 0.01° with at least
200 PEs. These cuts result in a higher energy threshold, but with 20% better angular
resolution and less systematic effects in eliminating background. They are also best suited
for studying the structure of hard-spectrum sources. Loose cuts, optimised for a Crab
Nebula flux source with a 3.2 spectral index, require #? < 0.04° with only 40 PEs. Loose
cuts were designed for the spectral study of bright sources at lower energies where the

increased background is not an issue.

Table 1.3: Cuts on 62 and the photoelectron (PE) threshold for various cuts used in standard
H.E.S.S. analysis.

6% (°) | PE Threshold (PEs) Ideally for

Standard | 0.0125 80 All sources
Hard 0.01 200 Low flux, hard spectra
Loose 0.04 40 High flux, soft spectra

1.6.4 Energy Spectrum and Flux Determination

The energy of each event, or gamma ray, is estimated by using look-up tables containing
the mean energy of simulated gamma-rays as a function of image size and impact param-
eter. The image size is the intensity of the image and the impact parameter is calculated
during geometrical reconstruction as described above. These two values are then used to
find the energy from each telescope. The energy of the observed gamma ray is then the
mean of the energies estimated for each telescope. The energy resolution for all energies
is found to be ~ 15%.

To determine the energy spectrum, the data is first logarithmically binned in energy.
The bins for which the average energy bias, (Efit — Eirue)/ Etrue, (with estimated energy,
Eyi, and simulated energy, Fi..), is greater than 10% are thrown out to avoid any
unnecessary systematic effects. This places a low-energy safe threshold on events. The
effective area calculated for each event is a function of the fit energy and zenith angle,
and is determined by the Cherenkov light pool and properties of the detector given by,

Nr(Efi, ZA) 2

Aeff(Efit,ZA)'— X 7T (1.12)

| ~ Ns(Epur 24)
where N1 (Eyi, ZA) is the number of trigger events, Ng(E}i, ZA) is the number of simu-
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lated events, and 772 is the area over which Cherenkov light can be detected. Each energy

bin of the spectrum is given by,
O; — B;

AEiti ( )

where, O; = "7 (1/A.;;ET), is the sum of on source events, and B; = a Zf’;gf(l/Ae,fE—F)
is the sum of off source events normalised by, «, accounting for the greater area of the
off source. The exposure time of each bin is given by #; with an energy width of AE;.
The spectral index is initially assumed to be I' = 2.0. If the index is found to deviate
from this assumption, the collection area is recalculated using the previous result and the
spectrum is rederived. This process continues until the results converge [10].

The observed excess of gamma rays is then fit to a differential energy spectrum. Gen-

erally the spectrum is fit to a power law,

dN _ (E -r

where [ is the differential flux normalisation, Ejy is the energy at which the flux is nor-
malised, and I' is the spectral index of the source. The spectrum can also be fit to a power

law with an exponential cutoff

dN ENT
ri I (E) exp(~E/Bew) (1.15)

where E.,; is the cuff-off energy. A broken power law spectrum can also be fit by

dN Epear \"™ ™  ENT
S = [ | hreek = (1.16)
dE Eq Eo

where Ejpreqr is the energy of the break point in TeV, and I'y and T’y are the spectral

indices before and after the break point.
The integrated flux above an energy threshold is then calculated from the excess,
(A), the zenith angle exposure, Z(t), and the effective area (Aess(Eirve, Z)) as a function

simulated (true) energy through the following equation,
E‘m.a::

tstop
/ (dE eff(Etm,Z(t))> dt dE. (1.17)
tstart

Em'lﬂ

For a power law spectrum, the integral flux I is calculated as, I = [, B (AN/dE) dE =
i) fn':‘;’ Iy(E/Ep)"TdE. The systematic error on the integral flux is ~ 20% [34].
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Simulation Programs

Since VHE gamma-ray telescopes do not have a standard gamma-ray source for cali-
bration, data cannot be analysed without comparing observations to simulations. The
modelling of all the known processes essential to detecting VHE gamma rays (described
in the previous sections) makes these programs invaluable tools for H.E.S.S. and are the

backbone of ground-based VHE gamma-ray astronomy.

CORSIKA (COsmic Ray SImulations for KAscade) is a detailed Monte Carlo program
that simulates extensive air showers initiated by high energy cosmic-ray particles and
tracks the development of shower particles through the atmosphere. These simulations
can be compared with results from various high energy experiments for data analysis.
The program is highly sophisticated and dynamic as it is kept up-to-date and accounts

for all the known processes of high energy strong and electromagnetic interactions [78].

CORSIKA is made up of various program systems designated to model specified inter-
actions. The main components of CORSIKA are: 2 models for hadronic interactions at
low energies, 5 models for hadronic interactions at high energies, an adjustable program
that describes hadronic interactions in agreement with experimental data, and 2 models
for electromagnetic interactions [78]. Development of the program has allowed for further
options to be incorporated into the program, namely the production of neutrinos and

Cherenkov radiation, essential for VHE gamma-ray astronomy.

Sim_hessarray is the program that takes data from air shower simulations and runs
it through a telescope array simulation to see what should be observed by the H.E.S.S.
telescopes. Sim_hessarray produces look-up tables that are used to compare with real

data in order to determine all the relevant information about the observed gamma ray.

MODTRAN is a program that models transmissivity along a path through the atmo-
sphere. Any kind of atmosphere can be modelled (from a tropical model to a sub-arctic
winter) and the optical depth is calculated for various layers of the atmosphere. H.E.S.S.
uses a desert aerosol model consisting of quartz sand particles. Varying the wind speed
parameter of the model from 0 to 30 m s™! increases the amount of aerosols in the lower
2 km of the atmosphere [93]. The importance of being able to adjust the wind parameter

and hence the concentration of aerosols will be apparent in Chapter 4.
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1.7 General Conclusions

I began the chapter by highlighting the how gamma rays aid in the understanding of
cosmic rays. The next chapter will discuss how gamma rays are important for cosmology,
namely, through the study of gamma-ray emission from active galactic nuclei affected by
the extragalactic background light.

I have then illustrated the ways in which gamma rays are created and interact with
matter and radiation. I then briefly discussed the important discoveries H.E.S.S. has
made since it has been in operation, adding extensively to the VHE source catalogue.

Lastly, I have discussed the power of the H.E.S.S. telescopes and the fruition of the
Cherenkov technique after over 40 years of development. The atmospheric importance to
the TACT technique will be discussed in greater detail in Chapter 3 and implemented in
Chapter 4.
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Chapter 2

Active Galactic Nuclei and the
Extragalactic Background Light

This chapter will discuss active galactic nuclei (AGN) and TeV gamma-ray attenuation
with the extragalactic background light (EBL). It will be shown how TeV gamma rays
from AGN can be used to probe the EBL due to photon-photon annihilation of TeV

photons with low energy photons travelling cosmological distances.

2.1 Active Galactic Nuclei

An active galactic nucleus (AGN) is a compact region at the centre of a galaxy, which
has a much higher luminosity over part or all of the electromagnetic spectrum compared
to normal galaxies. The radiation from AGN is believed to be a result of accretion on to
the supermassive black hole at the centre of its host galaxy.

The study of AGN is important for many reasons. Due to the detection of certain
types of AGN in very high energy (VHE) gamma rays, they are special laboratories for
extreme physics. Also, AGN are so energetic they are able to probe the Universe on
large scales, which makes them essential to studying the formation and evolution of the
Universe [146].

2.1.1 Physical Characteristics

The driving force of every AGN is a supermassive black hole (SMBH) at the centre of its
host galaxy, which powers the AGN luminosity by gravitational potential energy. There
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is an accretion disk that surrounds the black hole in which matter gets pulled towards it,
losing angular momentum through viscous or turbulent processes [146]. This accretion
energy is very powerful. Compared to nuclear fusion energy, it is roughly 100 times more

efficient at releasing energy.

AGNs that are bright in the radio waveband (termed ‘radio-loud’ AGN) contain jets,
while only weak jets are observed from some radio-quiet AGN. A jet from an AGN is a
collimated stream of relativistic plasma orientated perpendicular to the accretion disk.
It can be imagined that part of the accretion energy or rotational energy of the SMBH
is used to project matter and energy into a jet. Although it is not known exactly how
or why this happens, any candidate mechanism must at least be able to accelerate the
material to bulk Lorentz factors of ~10 and collimate the flow to angles of ~0.1 radians.
The most popular mechanisms generally involve magnetohydrodynamical winds driven
by rapidly rotating black holes, but remain rather speculative [95]. The AGN jet as well

as the other major features of AGN are illustrated in Figure 2.1.

Emission lines observed from AGN are caused by the photoionisation of the AGN’s
continuum. Line production depends on the density of the gas around the accretion
disk, its ionisation state, temperature and distribution of atomic state populations, the
background photon intensity, and the ability of the emitted photons to escape [95]. Above
and below the accretion disk are fast moving clouds that emit broad optical and UV
emission lines. These emission lines are termed ‘broad-line emission’. AGN with broad-
line emission features are generally classified as ‘Type 1’ AGN. Further away from the
accretion disk, slower moving clouds emit narrow emission lines. These emission lines are

called ‘narrow-line emission’ and are associated with ‘Type 2’ AGN.

Outside the accretion disk is an obscuring torus or cloud that prevents infrared to UV

light from penetrating direct lines of sight.

Most AGN are variable to some degree, but blazars have been found to be the most
rapidly varying class of AGN at all wavelengths. Variability gives us information about
the emission region of the radiation as the source cannot vary quicker than the time it

takes light to travel the size of the object.

AGN can be classified into a variety of different categories based on the observations of
the major features described above. The unified model of AGN states that the appearance
of an AGN depends on the orientation to the observer due to the anisotropic nature of
AGN emission and/or obscuration of radiation. It therefore follows that the different

classifications of AGN are largely due to random orientation angles rather than from
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The broadband spectrum of a blazar is dominated by non-thermal emission from
its relativistic jet and takes the form of a double-peaked structure. The spectrum is
generally explained by the synchrotron self-Compton (SSC) mechanism [126, 86, 94] in
the framework of relativistic jet models [72, 38] where particles are accelerated in shock
fronts up the jet [60]. In SSC jet emission models, relativistic electrons are responsible
for the production of the first emission peak via synchrotron radiation, while the second
peak arises from inverse Compton scattering of the synchrotron photons by the same
relativistic electrons. An alternative model proposes a similar mechanism at work, except
that the seed photons for IC scattering come from an ‘external’ source such as from
the accretion disk, gas clouds above and below the disk, or from the cosmic microwave
background (CMB). This model is hence referred to as the external Compton scattering
(ECS) mechanism [61, 133].

While leptonic models of VHE emission are commonly used, models involving protons
are not to be excluded. These models involve adding a relativistic proton population
into the jet. One such model is the proton induced cascade model where protons with
maximum Lorentz factors in the range of 10° — 10!! generate hard photons with energies
from keV to TeV via pion and pair photoproduction and subsequent synchrotron cascade
reprocessing [107]. VHE gamma-rays could also be produced from synchrotron radiation
from these extremely high energy protons (E> 10'® eV) in highly magnetised regions
(B ~ 10 — 100 G) with large Doppler factors (6 ~ 10 — 30) [2].

The two main subclasses of blazars are BL Lacs and Optical Violent Variables (OVV).
The main difference between the two is that OVVs can sometimes show emission lines
while BL Lacs do not. BL: Lacs are of main interest to TeV gamma-ray astronomy and
are classified according to the frequency location of their two peaks. High-frequency
peaked BL Lacs (HBL) are classified as low power objects with their first spectral peak
occurring at UV to X-rays with their second peak extending up to gamma-ray energies.
Low-frequency peaked BL Lacs (LBL) are more powerful than HBLs with their respect
peaks shifted to lower frequencies than that of HBLs [48].

2.1.4 Detected AGN VHE Emitters

As of December 2007, there have been 20 AGN detected by VHE gamma-ray telescopes.
Eighteen of those 20 are high-frequency peaked BL Lacs while one is the original BL
Lac, which is a low-frequency peaked BL Lac, first detected in gamma rays in 2007 [30].

The odd one out is M87, which is a Fanaroff-Riley class 1 radio galaxy discovered as a
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VHE gamma-ray emitter in 2006 [17]. HBLs have proved to be more efficient particle
accelerators than LBLs because (assuming a SSC model) the synchrotron spectrum of
HBLs extends to higher energies than LBLs, implying the presence of higher energy
electrons, which would produce an inverse Compton spectrum extending to higher energies
[43]. However, the discovery of BL Lac has shown that LBLs have the potential to emit
VHE gamma rays, with the case being that the detection of BL, Lac’s gamma-ray emission

corresponds to a rise in its optical flux [30].

The first TeV AGN detection was of the blazar Mrk 421 (z = 0.031) observed in 1992
with the Whipple telescope [123]. The next AGN detected at TeV energies was another
nearby blazar Mrk 501 (z = 0.034) in 1995, followed by 1ES 23444514 (2 = 0.044) in
1998 [43], both again detected with Whipple. These AGN were 3 of the closest known BL
Lacs, suggesting at the time that TeV photons are strongly attenuated by interactions
with the extragalactic background light [123] until the fourth BL Lac detected at TeV
energies, PKS2155-304 (z = 0.117) in 1999 observed with the Mark 6 telescope [45]. The
spectral energy distributions (SED) of all 4 BL Lacs were consistent with each other and
displayed variability, providing observational evidence for the picture of VHE emission

from BL Lacs we have today.

The discovery of the first 4 TeV emitting BL Lacs in a span of 7 years was followed by
a tentative detection of 1ES 19594650 in 1999 by the Utah Seven Telescope Array [115]
and the detection of H 1496+248 in 2001 with the Whipple telescope [84]. It was only
until H.E.S.S. and MAGIC came into operation that the rate of AGN detection has been
steadily increasing from 6 BL Lacs detected in 2004 to 20 AGN detected by 2007.

The observations of TeV gamma rays from blazars suggest that jets are a strong source
for particle acceleration. One such exception to the rule is the detection of M87 with its jet
pointed ~ 30° from the line-of-sight of the Earth. The size constraint of the TeV emission
derived from the observed variability of days has proposed a challenge to current TeV
emission models while excluding many emission models. One excluded model includes
the possibility of M87’s extended jet as the source of particle acceleration. T'wo possible
sites for emission include a peculiar knot (a site of many violent events detected by X-ray
flares), or the nucleus of M87 [17].

For cosmology, an important effect of TeV gamma rays from AGN is that they can
be used to probe the extragalactic background light (EBL) [138]. The attenuated TeV
~emission calculated from two high-redshift blazars, H2356-309 and 1ES 1101-323, has

suggested that the Universe is less opaque than was once thought, implying that most
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Table 2.1: A list of all the detected TeV gamma-ray AGN, as of December 2007.

AGN Type Redshift | Spectral Index Discovery
- M87 FRI Radio | 0.0043 2.240.15 H.E.S.S. (2006) [17]
Mkn 421 HBL 0.031 2.140.1 Whipple (1992) [123]
Mkn 501 HBL 0.034 2.2540.2 Whipple (1995) [125]
1ES 2344+514 HBL 0.044 2.654+0.17 Whipple (1998) {43]
Mkn 180 HBL 0.045 3.3+0.7 MAGIC (2006) [29]
1ES 19594650 HBL 0.047 2.78+0.12 7 TA (1999) [115]
BL Lac LBL 0.069 3.6+0.5 MAGIC (2007) [30]
PKS 0548-322 HBL 0.069 n/a H.E.S.S. (2007) [142]
PKS 2005-489 HBL 0.070 4.0+0.4 H.E.S.S. (2005) [9]
RGB J0152+017 HBL 0.080 n/a H.E.S.S. (2007) [114]
PKS 2155-304 HBL 0.117 3.32+0.06 Durham (1999) [45)
H 1426428 HBL 0.129 2.61+0.6 Whipple (2001) [84]
1ES 0229+200 HBL 0.1396 2.440.3 H.E.S.S (2007) [26]
H 2356-309 HBL 0.165 3.14+0.2 H.E.S.S. (2006) [14]
1ES 1101-232 HBL 0.186 2.940.2 H.E.S.S. (2005) [144]
1ES 1218+30.4 HBL 0.182 3.04+0.4 MAGIC (2007) (28]
1ES 0347-121 HBL 0.188 3.4+0.4 H.E.S.S. (2007) [25]
1ES 1101+496 HBL 0.212 4.0+0.5 MAGIC (2007) [106)
PG 1553+113 HBL >0.25 4.04+0.6 H.E.S.S. (2006)[16]
3C 279 HBL 0.536 n/a MAGIC (2007) [143]
Total 20

of the EBL can be resolved mainly from galaxy counts [105, 12] and that objects farther
away have greater potential to be detected. The next section will discuss in more detail
the impact the EBL has on VHE gamma-rays from AGN and how, in turn, the EBL can

be inferred from our current understanding of VHE emission.

2.2 The Extragalactic Background Light

The extragalactic background light (EBL) is a diffuse background light that spans from
microwave to gamma-ray energies. This light contains all the radiation that has ever
been emitted over the entire history of the Universe. Its spectral energy distribution
is distorted by the redshifting of photons as they travel to us from different sources at
different distances [121]. Due to the homogeneity of the Universe on large scales, this
light is expected to be isotropic.

The microwave component of the EBL, the well-known cosmic microwave background
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(CMB) discovered in 1965 [119], was predicted as the result of the big bang theory where
the CMB is the emitted radiation from the Universe turning optically transparent. The
discovery of the CMB provided strong support for the notion of a hot, early evolving
Universe and led to the recognition of the significance of a cosmic infrared background
(CIB). The CIB probes physics in the Universe between the present epoch and the last
scattering surface, and is complementary to the CMB, which probes mainly the physics
at last scattering [87]. In such a Universe, one would expect a CIB to be associated with
the formation of structure and the condensation of primordial matter from a redshift of
~1100 [77]. The other components of the EBL from X-rays to gamma rays mainly comes
from AGN, supernovae, or gamma-ray bursts and have been measured by the ASCA,
HEAO, COMPTEL, SAS-2, and EGRET satellites [92].

The EBL from UV to far-infrared wavelengths is likely to be the dominant radiant
energy in the Universe after the CMB [77]. The CIB is of particular interest to VHE
gamma-ray astronomy for the reason that the cross section for photon-photon annihilation

with a TeV photon peaks with infrared photons (discussed in detail in Section 4.8.1).

One of the main issues in modern cosmology is to explain the formation and structure
in the Universe. The assembly of matter into stars and galaxies and the subsequent
evolution of such systems is accompanied by the release of energy powered by gravitational
and nuclear processes [77]. Cosmic expansion and the absorption of short-wavelength
radiation by dust and re-emission at long wavelengths will shift a significant part of this
radiant energy into infrared background radiation. The earliest epoch for the production
of this background occurred when star formation began and continues through the present
epoch. The CIB is thus an integrated summary of the collective star-forming events, star-
burst activity, and other luminous events in cosmic history to the present time, and its
measurement provides new insight into those processes by constraining the rates of star

formation and metal production as a function of time [87].

Since the CIB carries important information about the galaxy and star formation his-
tory of the Universe, there is no uniquely predicted spectrum of the CIB since relative
contributions of its various components depend on the cosmological history of star for-
mation, the production of heavy elements, and the nature of dark matter in the Universe
[59]. However, something may be said about its general shape. The structure of its energy
distribution is expected to be observed as a double-peaked spectrum. The first peak is
produced by starlight around 1 um while the second peak around 150 pm is the result
of starlight that has been absorbed and re-emitted by dust in galaxies [110, 56]. For
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convenience, the CIB is generally divided in 3 regions, the near-IR (NIR) 1 to 5-10 pum,
the mid-IR 5-10 to 50-100 pm (MIR), and the far-IR (FIR) 50-100 to 500 pm [87].

Until the late 1990s, there had been no definite measurements of the infrared back-
ground radiation. This is because measurement of the CIB is difficult due to foreground

emissions caused by starlight, interstellar dust, or zodiacal light [77].

2.2.1 Detections and Limits on the CIB

The CIB has few defining observational characteristics on which to base a detection. The
radiation is of extragalactic origin and is therefore expected to be isotropic on large scales,
and as mentioned above, there is no distinctive spectral signature. A positive detection
must obviously show a positive residual signal after all foregrounds have been removed.
This foreground removal is the greatest challenge due to model uncertainties. Lastly,
because discrete sources contribute at least to part of the CIB, one would expect the
background to show fluctuations superimposed on the isotropic signal [77].

The CIB is hard to detect due to non-CIB emissions caused by various sources. These
emissions include: light emitted and scattered from interplanetary and interstellar dust,
scattered light from local sources of the Earth’s atmosphere, the Sun and Moon, zodiacal
light from stars, as well as IR emissions from the detection instruments themselves. The
main contributor is from interplanetary dust (IPD) [77]. Despite these difficulties there
have been many attempts at direct detections which I will highlight below.

In 1983, the Infrared Astronomical Satellite (IRAS) attempted the first determination
of the CIB. It was specifically designed to conduct an all-sky survey of point sources
between 12 and 100 pm [134], and so a solid detection of the CIB remained ambiguous
due to a lack of zero-point calibration along with uncertainties in the removal of foreground
emissions [87].

The Comic Background Explorer (COBE), launched in 1990, contained two instru-
ments designed to make absolute sky brightness measurements. The Diffuse Infrared
Background Experiment (DIRBE) was designed primarily to search for the CIB from
1.25 to 240 pm, while the Far Infrared Absolute Spectrophotometer (FIRAS) was de-
signed primarily to measure the CMB spectrum and to extend measurements of the CIB
from 125 pm to millimetre wavelengths [77]. Initial results from DIRBE placed upper
limits on the 10 different bands measured while only the 140 and 240 um signal were
found to be isotropic and could net be explained in terms of unmodelled components of

the solar system or the galaxy [76, 57]. After the first results were published, there have
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been numerous attempts at improving foreground subtraction, see [77, 87] for a review.

In 1995 Japan’s Infrared Telescope in Space (IRTS) was launched, claiming a signifi-
cant isotropic emission from 1.4 to 4.0 um that could be explained by the redshifted UV
radiation of Population III stars [109]. Analysis of DIRBE data in the same wavelength
shows a similar result to that of IRTS, strengthening the assertion that the isotropic
signal is of extragalactic origin [109]. Since the peak absorption of 1 to 4 um photons
corresponds to 0.8 to 3.2 TeV energy gamma rays, this excess can be tested through TeV
observations.

Spitzer was launched in 2003 and provides imaging and spectroscopy from 3.6 to 160
pm [154]. Spitzer has been able to help in the search for the populations contributing to
the CIB. For example, it has been found that the dominant contribution to the FIR CIB
are Luminous IR galaxies at 0.5 < z < 1.5 [55]. Spitzer has also obtained lower limits of
the CIB at 70 and 160 gm to be 7.141.0 and 13.44+1.7 nW m™2 sr™! [56].
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Figure 2.3: A recent picture of the EBL showing direct detections and limits (grey markers)
along with results from the most exhaustive analysis of the EBL (lines), from [110]. The solid
black line results from their realistic scan and the dashed black line results from their extreme
scan. Grey lines are the minimum and maximum shapes tested in the scan. See Mazin and
Raue (2007) in Section 2.2.2 for a discussion.

Lower limits to the EBL have been derived from source counts of galaxies [105, 67],
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while direct measurements have provided upper limits. The collective limits on the EBL
between the UV and far-IR confirm the expected two-peak structure, although the ab-
solute level of the EBL density remains uncertain by a factor of 2 to 10 [110]. A recent
picture of the EBL showing direct detections and limits along with results from the most

exhaustive analysis of the EBL, is shown in Figure 2.3.

2.2,2 Determination of the EBL from TeV Gamma rays

An alternative way for measuring the EBL was devised from the fact that TeV gamma
rays will pair produce with low energy photons in the EBL [74, 138, 137, 53]. The VHE
spectrum from a distant source is therefore expected to be attenuated, revealing informa-
tion about the diffuse photon background annihilating with VHE gamma rays. However,
this method works best if the intrinsic spectrum of the emitting source is known. At
the present time, the intrinsic spectra of blazars are not fully understood and assump-
tions must be made based on our limited understanding of VHE gamma-ray production
in AGN. To further complicate matters, it is also not possible to distinguish between
attenuation caused by the EBL and attenuation that may occur at the source itself. It
is therefore important to use this method on a large sample of TeV emitters at various
distances in order to better constrain the limits of the EBL density.

Conversely, if the EBL is known, the intrinsic spectrum can be calculated and be used
to test models of VHE emission and could in turn place limits on the EBL if the intrinsic
spectrum derived is physically feasible.

The idea that TeV gamma-ray emission could be used to probe the EBL was first
proposed by Stecker and de Jager in 1992 [138]. By using model-dependent upper and
lower limits for the EBL, they predicted a cutoff in the gamma-ray spectrum due to
EBL absorption of the quasar 3C 279 by extrapolating its intrinsic source spectrum from
EGRET observations up to 1 TeV.

The first determinations of the EBL through this method were published in 1993 [137]
and 1994 [53] using data from the blazar Mrk 421. Using data from EGRET and Whipple,
the EBL flux was determined to be in the range of 1.0 to 10 nW m™2 sr™! in the 1-5 ym
range. These results were consistent with the theoretical upper limit derived from starlight
from normal galaxies, and ruled out ‘exotic’ mechanisms for large infrared background
densities, which previous observations detected [137]. These initial attempts at measuring
the EBL assumed a shape for the EBL while TeV observations set constraints on the EBL

normalisation.
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Measuring the EBL from AGN is limited by the number of TeV AGN detected. Only
since 2004 has the detection rate been considerable enough for further constraints to be
placed on the EBL using various methods and clever techniques. The most recent results

used to compare with my analysis in Chapter 4 are summarised next.

Dwek and Krennich (2005)

Dwek and Krennich [58] placed constraints on the EBL from the TeV spectra of Mkn 421,
Mkn 501, and H1426+428. They created a sample of 12 EBL spectra representing different
realisations of the EBL spanning the most extreme possible combinations of relative peak
values. These spectra were fitted by polynomials to various spectral components from
these observations constraints. The intrinsic spectra of the blazars were then calculated
using the 12 template EBL spectra. EBL models giving rise to an unphysical exponentially
rising spectrum were rejected. Four spectra were rejected on the basis of reproducing an
unphysical intrinsic spectrum. It was also shown how the uncertainty in gamma-ray
energy measurements affects the elimination of EBL spectra. Only one EBL spectrum
was rejected on the account of having an unphysical reconstructed intrinsic spectrum
when the gamma-ray energy spectrum was shifted up by 15%.

The average polynomial of EBL intensity used for comparison in Section 4.8 is given

by,

log[vl,] = Zaj[log(/\)]j (2.1)

with coeflicients a;=1.20000, 0.533686, -1.81116, -1.28135, 1.94804, 0.655142, -1.19371,
0.405981, -0.0437552 and N = 8 is the degree of the polynomial.

H.E.S.S. Collaboration (2006)

The H.E.S.S. Collaboration [12] has used two distant blazars, H 2356-309 (z = 0.165)
and 1ES 1101-232 (2 = 0.186), to determine the EBL spectrum. These sources provide
a sensitive and constraining measurement of the EBL due to their large distances from
Earth. In this analysis, a reference EBL shape from Primack [121] was assumed based
on galaxy emission, with the normalisation taken as a free parameter and scaled to direct
estimates at 2.2 and 3.5 um (called ‘P1.0°), and a lower limit was derived from galaxy
counts-(‘P0.4’). An ad hoc component was also added to account for the claimed detection

at 2 um not predicted by galaxy evolution models.
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The intrinsic spectra of the two sources were then reconstructed directly from obser-
vations. The resultant spectral indices for both sources, from the P1.0 and P0.4 models,
were much steeper than would be expected from blazar emission models.

The EBL model was then scaled to reproduce a physical spectrum compatible with
I' > 1.5, constraining the EBL flux around 1-2 pm at 1444 nW m~2 s™!. These results,
coupled with galaxy counts from the HST, led to the conclusion that the unresolved
component of the EBL at optical to NIR wavelengths is not more than a third of the
total, agreeing with the most recent theoretical calculations of the EBL [122]. These
results also agree with theoretical arguments against high EBL fluxes due to Population
IIT stars, revealing an intergalactic space which is more transparent to gamma rays than

previously thought [12].

Mazin and Raue (2007)

The most encompassing EBL study using TeV sources comes from Mazin and Raue [110].
These results place new limits on the EBL from far infrared to optical wavelengths using
the spectra of all known TeV blazars detected to date (13 at the time). They used a novel
technique of describing the EBL number density by spline functions', which allowed for
the testing of several million (8,064,000) possible EBL shapes [110]. This spline parametri-
sation is used to construct a set of EBL shapes using a grid in EBL energy density versus
wavelength, setting the limits of the grid given by galaxy counts on the lower end, and
direct detection and fluctuation analysis on the upper end.

The intrinsic spectrum for all VHE gamma-ray sources is calculated for each given
shape of the EBL and is accepted or rejected based on its physical feasibility based on
simple TeV gamma-ray emission models of blazars. This leads to the requirement that the
intrinsic spectral index be greater than 1.5. The models are also tested for the extreme
case of a spectral index greater than 2/3. Another requirement was that the reconstructed
spectrum must not rise exponentially when approaching higher energies.

Combining all spectra, a constraining limit on the EBL was derived from 0.45 -90
pum ranging from 5 to 30 nW m™2 s~!, which lies lower than upper limits derived from
fluctuation analysis of direct measurements [88] and are a factor of 2 to 3 higher than
absolute lower limits derived from source counts [105]. Systematic errors arising from

the EBL grid setup, not taking into account EBL evolution, and uncertainties in TeV

VA 'splinie function consists of polynomial pieces used to construct an overall smooth curve, see [110]
for details.
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gamma-ray measurements amount to 32% for the optical-to-NIR region and 33-55% for
the MIR-to-FIR region. Results are shown in Figure 2.3 for the realistic and extreme scan

compared to other measurements and limits.

2.2.3 Primack Model (2005)

The Primack model is a semi-analytic theoretical model (SAM) of galaxy formation (based
on a ACDM hierarchical structure formation scenario) to make predictions of the EBL
from 0.1 to 1000 pm [122]. SAMs incorporate simplified physical treatments of the key
processes of galaxy formation such as the creation of dark matter halos, gas dynamics,
star formation, supernova feedback, and metal production. The key parameters governing
the rate of star formation and of supernova feedback and metallicity yield are adjusted
to fit local galaxy data, namely through the luminosity function of galaxies in the nearby
Universe from 2MASS, 2dF, and SDSS galaxy surveys.

The Primack model is in good agreement with galaxy observations at optical wave-
lengths out to higher redshifts of 2 = 6. The resulting EBL model in the near-IR to
optical wavelengths is generally lower than other models, but agrees with lower limits
from galaxy counts. However, the model has not yet been able to account for the bright
far-IR galaxies observed by SCUBA, ISO, and Spitzer. The interpretation is that the
Primack model underestimates the contribution of galaxies at z > 0.7 to the far-IR and
perhaps the mid-IR components of the EBL. It follows that the attenuation of TeV gamma
rays from mid-IR and far-IR photons (> 1 TeV) is likely to be underestimated.

2.3 General Conclusions

The basic properties of active galactic nuclei were discussed with emphasis on blazars,
due to their near monopoly on extragalactic VHE gamma-ray sources. The CIB, or the
infrared component of the extragalactic background light, was discussed in the context
of containing important information about the galaxy and star formation history of the
Universe. It was then emphasised that using the observed TeV emission from AGN can
place limits on the CIB due to the attenuation of the emitted VHE gamma-ray spectrum.

Lastly, the models and calculations of the EBL used for comparison in Chapter 4 are
highlighted.
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Chapter 3
Atmospheric Monitoring

Due to the nature of the imaging atmospheric Cherenkov (IAC) technique (see Section
1.4.4), the atmosphere plays an integral part in detecting gamma rays. Variations in
the atmosphere affect the measurements of gamma rays. For example, the intensity of
Cherenkov light may vary depending on the atmospheric conditions, and so the atmo-
sphere must be closely monitored. The H.E.S.S. telescopes are therefore accompanied by

four atmospheric monitoring instruments.

Firstly, the climate in Namibia will be discussed followed by data taken by the weather
station instruments. Next, the radiometers will be discussed for their cloud detecting ca-
pability. The ceilometer, which is the most important instrument for detecting aerosols,
will be discussed in detail followed by the transmissometer, which is used to measure
the transmissivity over the lower 550 metres above ground level. Cross correlations be-
tween the instruments will then be presented. Lastly, the newly installed LIDAR will be
discussed briefly.

3.1 Namibian Climate

The H.E.S.S. site sits atop the central plateau of Namibia in the Khomas Highland. The
Khomas Highland is situated in between the Namib Desert to the west, separated by the
Great Escarpment, and the Kalahari Desert to the east. A sketch of these features along
the site’s latitude across southern Africa is shown in Figure 3.1. Figure 3.1 was created
based on a topological map of southern Africa shown in Figure 3.2 [127]. The H.E.S.S.
site is located at 23° 16’ 18” S, 16° 30’ 00” E.
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3.2. Weather Station

Table 3.2: The working specifications of the weather station instruments.

Sensor Range Accuracy Stability
Temperature Probe -40°C to 60°C +0.35°C at -10°C n/a
+0.6°C at 60°C
Relative Humidity Probe | 0% to 100% +2% at 10% 1% yr~!
+6% at 90-100%
Pressure Sensor -40°C to 60°C | £2mB at -40°C to 60°C | <0.11 mB yr—!

(summer) while the lowest night-time temperatures occur in June and July (winter). The

average maximum is 17.840.3°C and the average minimum is 7.1+£0.4°C, with the differ-

ence between maximum and minimum being 10.75°C. The average nightly temperature

for all data is 12.740.3°C.

Figure 3.5 shows the number of observation runs versus air temperature. It is inter-

esting to note that the number of observation runs decreases during the times of greatest

temperature (summer), even though the dark-time increases, indicating bad weather as-

sociated with clouds or rain. Temperature is also negatively correlated with pressure,

shown in Figure 3.6. These observations are consistent with rain and overcast conditions

associated with lower pressure systems, while high pressure is associated with clear and

cool weather [104].
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- Figure 3.4: Nightly average temperatures per observation period with minima occurring from
November to February and maxima occurring in June and July.
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Figure 3.5: Number of observation runs as a function of air temperature. It can be seen that
the number of runs decreases with increasing temperature, indicating bad weather associated
with clouds or rain.
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Figure 3.6: A negative correlation is seen between air temperature and air pressure, with a
correlation coefficientof ¢ = -0.78.

63



3. 3.2. Weather Station

Water Vapour

Relative humidity measures the proximity of air towards water saturation. Saturation is
when the rate of evaporation equals the rate of water vapour returning to liquid. The
corresponding pressure associated with saturation is called saturation vapour pressure.
Saturation vapour pressure is temperature dependent and increases with temperature as
the amount of evaporation increases. With a given amount of water vapour in the air,
lowering the temperature reduces the capacity for air to hold water vapour, resulting in
a higher relative humidity.

Relative humidity can be expressed as the ratio of water vapour pressure to saturation
vapour pressure,

p(H:0)

where p(H,0) is the water vapour pressure and ps(H20) is the saturation vapour pressure.
The Arden Buck equation describes the saturation vapour pressure of water at various

temperatures given by [40],

ps(H20) = 6.1121 exp (%) [hPa) (3.2)
with the air temperature, T, given in degrees Celsius. With temperature and relative
humidity being measured by the weather station, and the saturation water vapour pressure
calculated by equation 3.2, the pressure of water vapour p(H>0) can be calculated, which
indicates of the total amount of water vapour in the air. The pressure of water vapour
can then be converted to the mixing ratio, which gives the mass of water vapour per unit

of dry air, expressed in grams per kilogram (g/kg)5,

H.
mixing ratio = MH0 _ 0.662 % M)_
Myry P — p(Hg 0)

x 10° [g/kg] (3:3)
where p is the total pressure measured by the weather station and 0.662 is the ratio of
the molecular mass of water vapour by the molecular mass of dry air.

When air reaches saturation, i.e. when relative humidity equals 100%, condensation
occurs with any increase of water vapour or decrease in temperature. Water vapour may

condense to form as dew, haze, fog, clouds, or frost. This is called the dew point and can

4The equation for the correlation coefficient used throughout this thesis is found in Appendix B.
5Using the ideal gas law, PV=nRT.
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be alternatively be explained as water vapour reaching its saturation vapour pressure at
a given temperature.

Figure 3.7 shows that the relative humidity varies more irregularly throughout the year
than air temperature and pressure, with an average value of 424:1%. Maxima generally
occur in March and April with the highest peak arising from an exceptionally rainy season
at the beginning of 2006 (January - March). All local minima occur in September, which
also happens to be the season of the largest aerosol densities (to be discussed in Section
3.5.1).

For a constant amount of water vapour, an increase in temperature results in a corre-
sponding decrease in relative humidity (anticorrelation), as seen on a run-by-run basis in
Figure 3.8. Since we are talking about changes throughout the year, it cannot be assumed
that water vapour remains constant, and so a complex relation results between temper-
ature and relative humidity, as shown in Figure 3.9(a). It can be seen that the relative
humidity lags behind temperature, as well as pressure, shown in Figure 3.9(b). The initial
rise in air temperature after a minimum is associated with low relative humidity, which
then rises and is fairly correlated with the temperature. Conversely, the initial decrease
in air temperature after a maximum is associated with high relative humidity, which then
decreases with decreasing temperature. A similar lag in air pressure is seen, as a rise from
low to high pressure is associated with high relative humidity, while a drop from high to
low pressure is associated with low relative humidity.

Figure 3.10 shows plots of the mixing ratio, which gives a better indication of the total
amount of water vapour in the air. Figure 3.10(a) shows that the mixing ratio tends to
correlate with air temperature until the temperature reaches a minimum, where then the
mixing ratio lags behind temperature by one period (indicated by the circled points), i.e.
when the temperature initially rises, the amount of water vapour in the air decreases.
After the mixing ratio reaches a minimum, it correlates with the temperature again and
the cycle continues. Figure 3.10(b) shows a similar trend with mixing ratio and relative
humidity, except the mixing ratio decreases before the relative humidity decreases. The
overall behaviour of Figures 3.9 and 3.10 indicate that relative humidity is mainly driven
by the amount of water vapour in the air rather than temperature changes (where relative
humidity and temperature would be anticorrelated). In other words, relative humidity
and air temperature are correlated due to an offset of moisture being added to the air,

when increasing temperature leads into the rainy season.
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Figure 3.7: Maxima in March/April with an exceptionally rainy season at the beginning of
2006 (January - March). All local minima occur in September, which also happens to be the
season of largest aerosol densities, to be discussed in Section 3.5.1.
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Figure 3.8: With a constant amount of water vapour in the air, as temperature rises, relative
humidity naturally decreases. This anticorrelation is seen over the course of a run (run=26623).
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3. 3.2. Weather Station

3.2.1 Importance of Weather Variables

Air temperature and pressure as a function of altitude define the atmospheric profile for a
specific atmosphere. Figure 3.11 shows the pressure profile for various atmospheres mod-
elled by MODTRAN along with radiosonde measurements made in Windhoek, Namibia
over the course of a year [118].

Atmospheric profiles with different temperature and pressure profiles have varying
effects on the emission of Cherenkov radiation by controlling the longitudinal development
of extensive air showers. The lateral development is determined mainly by the Cherenkov
emission angle and height of production, which in turn depends on the atmospheric density
profile [118]. For example, atmospheric models which have higher temperatures in the
lower part of the atmosphere result in shower maxima at greater heights. This is because
an increased ground level temperature increases the pressure higher in the atmosphere,
making higher altitudes more dense and more likely to initiate air showers higher up. This
means that seasonal variations and hence, latitudinal location, will have an effect on the
distribution of Cherenkov light measured at ground level. Bernlohr (2000) [35] has shown
that there is up to a 60% difference in Cherenkov light between tropical and polar models
and some 15-20% seasonal variation at mid-latitude sites. The effect on the Cherenkov

photon density is shown in Figure 3.12.
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3.3 Radiometers

The H.E.S.S. site is equipped with KT 19.82 II infrared radiation pyrometers (a.k.a ra-
diometers) designed to detect infrared radiation from 8 to 14 um. An infrared radiation
pyrometer is a measuring transducer, which receives the infrared radiation emitted by
a radiating object and transforms it into a standardised output signal. The infrared
radiation is then fit to a thermal blackbody spectrum and the temperature is derived.

A radiometer is attached paraxially to each telescope with a field of view of 2.9° and
are made for detecting clouds in the field of view of the telescope, as clouds produce an
additional contribution to the thermal radiation detected at ground level. Therefore, the
measured radiative sky temperature is increased for cloudy skies [41]. In addition to the
telescope radiometers there is a scanning radiometer, which is used to scan the sky for
any incoming clouds. It is located with the other atmospheric monitoring instruments,
shown in Figure 3.16. The accuracy of the radiometers is +0.5°C.

Figure 3.13 shows the measurements of an observation run from a telescope radiometer,
which shows the increase in blackbody temperature as a cloud passes over the field of view
of the telescopes. Due to the large rms of temperature (~ 5°C), this run would not pass

the quality selection cuts and so would be rejected.
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Figure 38.13: The sky temperature increases dramatically as a cloud passes in front of the field
of view of the telescope (run=43749).
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3.4 Cherenkov Light Extinction in the Atmosphere

Cherenkov radiation is extinguished in the atmosphere through molecular absorption,

Rayleigh scattering by molecules, and Mie scattering by aerosols.

3.4.1 Extinction Particles

Gases and aerosols are the two main types of particles that contribute to the extinction of
Cherenkov light. Gases are the smallest and most numerous particles in the atmosphere
with sizes on the order of nanometres and densities of =~ 2.6 x 10*® molecules cm™3
at standard temperature and pressure. The five gases that compose =~ 99.993% of the
volume in the 1976 U.S. Standard Atmosphere [145] are found in Table 3.3. Ozone (O3)
is mentioned in the table because although it is a small fraction of the atmosphere, its
absorption effects can be considerable. Water vapour (H,0), carbon dioxide (COs), and
ozone (O3) can vary from season to season, year to year, or day to day, whereas nitrogen

(N32), oxygen (O3), and argon (Ar) tend to be relatively constant in place and time.

Table 3.3: The five most abundant gases found in the Earth’s atmosphere according to the
1976 U.S. Standard Atmosphere [145].

Gas % by Volume

N, 78.078+0.004

0O, 20.94610.002

Ar 0.934+0.001

H,0O 0-2

CO, 0.03514+0.0004

O3 | 0-0.3ppm®(troposphere), 1-7ppm (20 - 30 km)

Aerosols are small particles the size of micrometres produced by human and natural

activity. Sources of aerosols include: smokes, dusts, fogs, and precipitation. Normal

3

aerosol densities can range from less than 10 molecules cm™3 on a very clear day to 10*

3

molecules cm™ in smokes and dusts, and are mainly limited to the boundary layer from

1-2 km above ground level. This makes aerosols site-dependent and highly variable [62].

6pprn = parts per million
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3. 3.4. Cherenkov Light Extinction in the Atmosphere

3.4.2 Scattering and Absorption
Mie and Rayleigh Scattering

The complete analytical solution to Maxwell’s equations that describe scattering of elec-
tromagnetic radiation by spherical particles is called Mie scattering. Mie scattering de-
pends on the size, shape, and composition of the particles and it is not strongly wavelength
dependent. The full Mie solution is used when describing particles that are large compared
to the size of the incident light ( d> A). When describing particles that are roughly 1/10th
the size of the incoming light (i.e. d< A), the Mie solution reduces to Rayleigh scattering.
Rayleigh scattering can be considered elastic dipole-like scattering and is proportional to
the inverse fourth power of the wavelength (oc A™*).

Rayleigh scattered light is distributed evenly in all directions whereas Mie scattered
light is asymmetric with a forward peak. The magnitude of Rayleigh scattered light
in the forward direction is much weaker (up to 100 times weaker) than Mie scattering
because the particles are smaller. An illustration is shown in Figure 3.14. In Cherenkov
experiments, Mie and Rayleigh scattering are treated as absorption processes because the

amount of light scattered in the telescopes is negligible [118].

Particle Extinction Effects

Figure 3.15 shows the extinction effects of the most important absorbers and scatterers
in the atmosphere. The majority of attenuation from 290 to 650 nm is due to Rayleigh
scattering by molecules. Rayleigh scattering can be considered to be elastic scattering
and is easily predictable and shows only small temporal variation. The most abundant
atmospheric molecules, namely nitrogen (N3) and oxygen (O,), in the atmosphere remain
relatively constant and so the effect of Rayleigh scattering should remain constant as well.

Ozone absorption dominates molecular absorption at wavelengths shortward of 330
nm till about 200 nm. Gaseous water vapour plays a minor role in molecular absorp-
tion affecting wavelengths longward of 550 nm. Since the peak sensitivity to Cherenkov
light ranges from 300-500 nm for the PMTs used by H.E.S.S., ozone and water vapour
absorption need not be taken into account in Cherenkov light extinction. However, pre-
cipitable water vapour in the form of droplets with sizes comparable to and larger than
the wavelength of light is important and can manifest as haze or a thin cloud. Water
vapour coalescing on aerosols affects their scattering properties and is reflected in Mie
scattering. Therefore, relative humidity and temperature changes may cause aerosols to
grow larger and effect the scattering of light by Mie scattering [31].
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3. 3.5. The Ceilometer

3.5.1 Backscatter

Backscatter is the intensity of light scattered backward at zero degrees [50]. In theory,
using inversion techniques and the lidar ratio [90] one is able to extract the extinction, or
transmissivity, from the backscatter signal. These transmissivity values are then impor-
tant for use in atmospheric models that model the Cherenkov light through the atmosphere
and hence the gamma-ray energy. In the case of the Vaisala LIDAR, the signal-to-noise
ratio is too low to be inverted to calculate the extinction through the atmosphere [31]. In
any case, the behaviour of aerosols over time has been investigated and provides a rough
estimate on the level of contamination in the air.

The backscatter values produced by the ceilometer do not actually return the backscat-
ter as defined by the lidar equation, but rather an attenuated backscatter, Biu. =
B(r)T(r)?, where T'(r) is the transmissivity,

T(r) = exp(— /01” a(r)dr') = exp™" (3.5)

with 7 being the optical depth. In addition, in order to maintain resolution in the low
backscatter region during times of high backscatter, a transformation was performed on
the raw attenuated backscatter signal given by, G},,, = 1000 tanh(Bgq:,/1000) [83]. From
now on, the corresponding backscatter values will refer to this transformed attenuated
backscatter in units of km™! sr—!.

The ceilometer is optimised and height corrected to detect significant backscatter up
to 1 km from the instrument or up to where non-negligible amounts of aerosols are found.
This is because the data are noisy and the internal algorithm of the ceilometer returns
negative backscatter values when no aerosols are identified [47]. In my analysis, runs with
no cloud layers were analysed to study the effect of aerosols on the cosmic-ray trigger rate

of the telescopes and subsequently the gamma-ray flux (see Chapter 4).

Backscatter Measurements

Each ceilometer file is stored by run and was looked at one by one in order to get rid of runs
containing clouds or corrupt files. Uncorrupted runs without clouds are considered ‘good.’
The integrated backscatter signal, up to the maximum backscatter height, BS;,; for all
good data from 20 March 2004 to 23 April 2007 is shown in Figure 3.18. It can be seen
that backscatter can vary significantly over long timescales as well as varying significantly

from night to night, as shown by Figure 3.20. The highest backscatter values are found in
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August and September of each year where the main component of atmospheric aerosols
are dust and smoke. The dust drifts from the Namib desert on the western coast in the
winter time, while smoke is seen during times of regular bush burning in the desert during
the dry season from April to October. A figure of backscatter integral for values greater
than high values of 30000 sr~! versus relative humidity is shown in Figure 3.19. It can be
seen that runs with large amounts of aerosols tend to be runs with low humidity, although
there have been two recorded nights when the relative humidity was high with a large
aerosol concentration in the winter (14 August 2004 and 18 June 2005). Shift logs indicate
clear nights with nothing out of the ordinary during these observations (just dust), and
so an explanation is beyond the scope of the data available.

Two types of profiles have been generally observed: high-lying and low-lying layers.
High-lying layers are likely to be clouds and can be confirmed by radiometer measure-
ments. This is shown in Figure 3.21. Data with clouds are rejected. The more important
low-lying dusty layers act as a ‘neutral-density filter’ that reduces the Cherenkov light
yield through Mie scattering [98]. These aerosol layers in Namibia have generally been
found below 2.5 km.

I have placed cuts on the ratio of integrated backscatter (BSy;) divided by the inte-
grated backscatter up to 550 m (BSss0) to be BSp,/BSsso < 1.15. This cut indicates the
runs where the majority of the aerosol layer is below 550 m and has a profile that looks like
what is shown in Figure 3.22. These data are used for studies with the transmissometer,
which measures the transmissivity of the atmosphere up to 550 metres above ground level
(discussed in the next section).

The backscatter dependence on zenith angle has also been investigated. This was done
for low backscatter values less than 3000 sr~! so as to get an aerosol layer that changes
as little as possible. A relation is hard to see with most data because slight changes in
the backscatter profile destroy any correlation. Figure 3.23 shows a couple of consecutive
run that show a correlation, but nothing solid enough to derive a correction from as one
shows a positive correlation between backscatter integral and zenith angle, while the other

shows a negative correlation.
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Figure 3.23: Backscatter integral versus zenith angle for (a) runs=22916-919 and (b)
runs=20101-104. Due to an ever changing atmosphere, only a weak correlation between
backscatter integral and zenith angle for a few number of consecutive runs is found.
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Ceilometer Timeline

Figure 3.24 shows a timeline regarding the operation of the ceilometer.

Ceilometer Timeline

| .
| [ I | I | I | I [ ! 1

20 Mar 2004: Installation of the pan tilt unit

| | | |
| | I I ! I I I | I I

26 May - 20 Sep 2005:; Pan

1 Mar 2005: Start of

optical compensation tilt behaving erratically 1,2,3 (see box below)
fiber problem
| I ,
| I l | | | | ! | | |
15 Jun-14
Aug: Blown 16 Feb 2007:
converter Recalibration of
board pan tilt unit

[ |I i Operation ceases |

23 Apr 2007: Optical
compensation fiber .
receiver not working 1) 21 Sept 2005: Pan tiit unit fixed toward zenith

2) 27 Sept 2005: Optical compensation fiber replaced

3) 26 Oct 2005: Pan tilt problem solved (output messages
were causing slow down of program resulting in crashes

Figure 3.24: A timeline regarding the operation of the ceilometer from when it became fully
functional with the installation of the pan tilt unit until it ceased operation on 23 April 2007.

e 20 March 2004: Installation of the pan tilt unit and the start of a fully operational
ceilometer.

e 1 March 2005: Start of data issues with backscatter values saturating at 32767 due
to a misaligned optical compensation fibre. This fibre is important for diverting
some of the signal to a receiver measuring the output of the laser.

o 26 May - 20 September 2005: The pan tilt unit is not behaving properly. It is
erratically moving during the day without instruction.

e 21 September 2005: The pan tilt unit is fixed toward zenith to stop it from moving
erratically.
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27 September 2005: The misaligned optical compensation fibre causing data prob-
lems is fixed.

26 October 2005: The pan tilt problem is solved. A flood of output messages were
causing the ceilometer program to crash.

15 June 2006: Blown converter board, which supplies power to different parts of the
instrument.

14 August 2006: Converter board replaced.

16 February 2007: Recalibration of the pan tilt unit. There have been many times
when the number of ceilometer events equals 1 when it should be about 70. This
happened as the ceilometer rotated on its pan and tilt unit hitting the safety n-
switch causing the data from the last run to be recorded for the present run.

23 April 2007: The ceilometer has ceased to work. This was due to a compensation
optical fibre problem again, but when the fibre was replaced, it still did not work. It
was then found that the receiver was not working. Since the new lidar was coming
online shortly and the old one was expensive to fix, repairs have been put on hold

indefinitely.
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3.6 The Transmissometer

In order to better study the transmissivity of Cherenkov light in the lower part of the
atmosphere, a fully automated multi-wavelength transmissometer was installed in January
2005. It measures the atmospheric transmissivity of light at 505, 455, 910, and 390 nm
between the H.E.S.S site (1800 m a.s.l.) and the top of the Gamsberg mountain (2350 m
a.s.l,, 30 km away) [96].

3.6.1 Transmissometer Setup
Transmitter

The transmitter of the transmissometer is located ~ 30 km away from the H.E.S.S. site
on top of the Gamsberg mountain. A picture of the light transmitter is shown in Figure
3.25. The light source consists of 4 LEDs (Light Emitting Diodes) with their own focusing
optics. The LED specifications are found in Table 3.4. Two photodiodes monitor the
output of the LEDs. The LEDs are powered by a self-regulating, temperature stabilised
constant current generator. The electronic circuit which powers the LEDs is driven via
a RS232 com-server using a radio link provided by a radio modem and dipole antenna.

There is also a monitoring circuit that measures the the power at the transmitting site
[97].

Table 3.4: Characteristics of the LED light sources of the transmissometer.

Wavelength (nm) | Current (mA) | FWHM' Focusing Optics
505 350 ~ 15° Polycarbonate lens
455 350 ~ 4° Polycarbonate lens
910 100 ~ 10° | f = 50 mm camera lens
390 20 2.3° f = 50 mm camera lens

Receiver

The transmissometer receiver is installed at the same location as the other atmospheric
instruments as shown in Figure 3.16. The light receiver consists of a telescope and 8-bit

CCD camera installed inside an all-weather enclosure. The original telescope was a 8”

TFull Width at Half Maximum
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4D [o01846
Td)=— ~—
Due to the power of 0.01846 in Equation 3.8, T'(550m) is measured with high sensitivity

[97], as shown by Figure 3.29.
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Figure 3.29: This plot shows the sensitivity with which the transmissivity is measured. It can
be seen that the transmissivity varies by about 20% from its original value over a width range
of measured intensities.

Measurements

Nightly average transmissivities were used due to the observed stability of transmissivity
over one night. The average values were used when the rms values of the transmissivity
distribution was less than ~ 0.005. Figure 3.30 shows transmissivity values over a stable
night, while Figure 3.31 shows a variable night not used in analysis. It is also shown in
Figure 3.30 that the transmissivity at 390 nm is non-existent. This is due to the low
signal of the LED and will not be used for further analysis. It can also be seen that the
910 nm LED is not as reliable as the 505 and 455 nm LEDs. This is also due to the lower
LED power. The 910 nm data will be used when available.
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Transmissivity at 505 nm

Transmissivity at 455 nm

o © esstese Gsse ® &m o e

Transmissivity at 910 nm
e
]

Transmissivity at 380 nm
|l|l|l||||lllllllllllllllllll

o7 wr o wr L o v

Measurement Number

Figure 3.30: Transmissivity data for all wavelengths over a stable night (12 February 2006).

Transmissivity Correction

During February 2006, the telescope of the transmissometer was changed from 8” to 6”
with half the focal length and double the field of view. It was noticed that there was
a step drop in the transmissivity after this time. The instrument was not recalibrated,
and so the data had to be normalised to the previous values by taking the difference of
the maximum values for before and after the telescope change and adding this value to
the new transmissivities. This correction is only used for transmissivities after February

2006. The correction is given by,

T'(d) = T(d) + AT (3.9)
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Figure 3.31: Data during a night with variable transmissivity values (18 June 2005).

where T'(d) is the value of the transmissivity as returned by the transmissometer and
AT = Ty(d) — Tp(d) with T1(d) being the maximum value before and T3(d) being the
maximum value after the telescope change. Table 3.5 shows AT for 505, 455, and 910

nm.

Table 3.5: Transmissivity correction values for use after February 2006.

Wavelength (nm) | T1(d) | Ta(d) | AT
505 0.9911 | 0.961 | 0.0301
455 0.9873 | 0.9681 | 0.0192
910 0.9376 | 0.9288 | 0.0088

The total corrected transmissivity at 455, 505, and 910 nm over the current lifetime

of the transmissometer is shown in Figure 3.32. The relation between the transmissivities
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Figure 3.32: Transmissivity values output by the transmissometer software from 1 March 2005
to 30 October 2007.

of different wavelengths is shown in Figure 3.33. The top figure shows a good correlation
between 455 and 505 nm as would be expected. The bottom figure shows a greater scatter
between 455 and 910 nm illustrating different scattering or absorption effects of various

particles.

Mie Transmissivity

The total transmissivity, measured by the transmissometer, is the product of the trans-
missivities from molecular absorption, Rayleigh scattering, and Mie scattering given by,
T(d) = T,(d) x Tr(d) x Ty (d). On a clear night with no significant aerosol detection
from the ceilometer, the contribution to the total transmissivity can be assumed to be
from molecular absorption and Rayleigh scattering, T(d) = T,(d) x Tgr(d). This value
is found using the lowest values of backscatter up to 550 meters and finding the corre-
sponding transmissivity for that night. The resulting T (d) from aerosol scattering can

then be derived. It is the Mie transmissivity which is important to correlate with aerosol
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Figure 3.33: The top figure shows a good correlation between 455 and 505 nm as would
be expected. The bottom figure shows a greater scatter between 455 and 910 nm illustrating
different scattering or absorption effects of various particles.

scattering detected with the ceilometer. T (d) also must be corrected for zenith angle at
which the ceilometer is pointing so that the instruments can be compared over the same
distance, | = d/ cos(6,). Ta(l) then becomes,

B T(d) 1/ cos(8.)
0= (man@) (310)

3.7 Cross Correlation Between Instruments

Backscatter 550 vs Mie Transmissivity

Figure 3.34 shows the backscatter up to 550 metres versus the Mie transmissivity at
455 nm. It can be seen that there is a correlation between the backscatter from low-lying
aerosols and transmissivity. In order to derive transmission values when the transmissome-
ter was not working, a fit for Mie transmissivity versus BSsso was derived. This equation

is only valid for low-lying levels of aerosols below 550 metres (i.e. BSyn:/BSs50 < 1.15).
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The equation for the fit is Th(l) = 0.999 — (3.24 + 0.04) x 107%(BSss0) with a x?/ndf of
~ 10. This fit is ‘ok’ considering the measurements were taken at different wavelengths.
Since only the lowest 550 metres are measured by the transmissometer, the transmissivity
derived by the line fit equation could act as a lower limit to the transmissivity throughout

the atmosphere when there are no direct measurements from the transmissometer.
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Figure 3.34: Backscatter up to 550 metres versus Mie transmissivity. There is a fairly good
fit considering the measurements were taken at different wavelengths. Since only the lowest 550
metres are measured by the transmissometer, the transmissivity derived by the line fit equation
could act as a lower limit to the transmissivity throughout the atmosphere when there are no
direct measurements from the transmissometer.

Backscatter vs Relative Humidity vs Sky Temperature

Figures 3.35, 3.37, and 3.38 each show (a) BSp,: vs. sky temperature, (b) BSy,; vs. rela-
tive humidity, and (c) sky temperature vs. relative humidity for the years 2004, 2005, and
2006 respectively. Figure 3.37 shows noticeably less data due to ceilometer complications.
General trends for all years show an increase in sky temperature with BSy,; > 10,000
sr™! ((a) plots) and low relative humidity with high backscatter of BSy,, > 10,000 sr™!
((b) plots).

Periods -08 and -09 (indicated by the pink squares and black circles) consistently have
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high backscatter with the lowest sky temperatures and relative humidity values, although
relative humidity can also reach high values as well. Periods after the rainy season, -03
and -04 have consistently high relative humidity and sky temperature values. Figures
3.36 and 3.39 are zoomed in on the backscatter plots for BSy,, < 20,000 sr~! for 2004
and 2006 in order to see the data in greater detail.

The evolution of sky temperature and relative humidity is most clearly seen in Figure
3.38(c) where -03 and -04 cluster around the right side of the plot, evolving clockwise
from period to period, ending with -10 clustered at the top of the plot. |
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Chapter 4
Telescope and Atmospheric Data

This chapter looks at the atmospheric data presented in Chapter 3 and how it relates
to data from the H.E.S.S. telescopes. This will be done by a systematic comparison of
the major atmospheric parameters measured on site: backscatter, transmissivity, and
sky radiance, with trigger rates and gamma-ray fluxes. Developed from trigger rate and
backscatter measurements, a method to correct for the effects of aerosols on gamma-ray
measurements is presented in Section 4.4 and applied to 2 BL Lacs in Sections 4.5 and
4.6. Section 4.7 will discuss the potential of other sources to be atmosphere corrected.
Finally, Section 4.8 will use the BL Lacs measured to calculate upper limits to the EBL

intensity at optical and infrared wavelengths.

4.1 Cosmic Ray Trigger Rates

A trigger is an event registered by the telescope that meets specific selection criteria. A
H.E.S.S. telescope trigger occurs if 2.5 pixels within a drawer have a signal of 4 photoelec-
trons or more, and are observed within a short time window of 1.3 nanoseconds [70]. A
system trigger occurs when more than 2 telescopes are triggered within 80 ns of each other
[70]. The system triggered signal is then digitised and read-out to the data acquisition
system [124]. This process is described in more detail in Section 1.6. The telescopes’
trigger rates are dominated by background events, which are cosmic ray induced particle
showers (see Sections 1.4.1 and 1.4.2).

Due to the constant and isotropic flux of cosmic rays, trigger rates provide a direct
measurement of all the effects due to internal and external factors influencing data taking.

Internal factors consist of wear and tear of hardware components (e.g. loss of PMT gain,
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Winston cone degradation, or loss of mirror reflectivity [98]), while external factors are
caused by the environment (e.g. aerosols and seasonal weather changes) [35, 98].

Since trigger rates are affected by the pointing position of the telescope along with the
decline in hardware components, trigger rates must be corrected for in terms of zenith
angle and time, over the lifetime of the system (taken to be the start of 4 telescope

observations in January 2004). These corrections will be attended to next.

4.1.1 Zenith Angle and Time Corrected Trigger Rate
Zenith Angle Correction

Observations are performed over a range of zenith angles, typically from 0° - 60°. Particles
coming in at larger zenith angles have to traverse more atmospheric material than at
zenith. This reduces the intensity of Cherenkov light and hence the trigger rate. Trigger
rates at larger zenith angles (60°) are lower than at zenith by about 60%. This effect
must be corrected for.

The Heidelberg H.E.S.S. group (HD) has derived a correction using data from a single
night. The data were compared with simulations from two different atmospheric models

and the function was fitted to a smooth curve given by [70],

TR(0,)yp = —0.2566 + 1.564(cosf,) — 0.307(cos 8,)? (4.1)

where 6, is the zenith angle of observation.

The Durham H.E.S.S. group (D) has derived a correction to compare with the Heidel-
berg function. They used data from many nights, but over a short period of time (from
20/03/2004 to 04/06/2004)) so that temporal effects are negligible. The ceilometer was
used as a sky clarity measure, and the data were cut based on the lowest backscatter
integral value with a full range of zenith angles (BSp,; < 2000 sr™!). The data were fit
to a 4th order polynomial given by [98],

TR(0,)p=1-1.22x107%(4,)> —9.18 x 1079(8,)*. (4.2)

These two zenith angle corrections have been compared in Figure 4.1. The zenith
angle correction is not very good for #, > 50° for either correction, as they both tend to
overestimate the trigger rate, but agree well for smaller zenith angles. For consistency
with the rest of the collaboration, the Heidelberg zenith angle correction (equation 4.1)

will be used in all further analysis.
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Figure 4.1: Comparison of the Heidelberg correction (red dotted line), and Durham zenith
angle correction (black solid line), scaled to 350 Hz.

Time Correction

The zenith angle corrected trigger rate was averaged over an observation period! and
plotted over time, shown in Figure 4.2. To ensure a consistent comparison of trigger rate
over long periods of time of months and years, a time correction has been applied to the
trigger rate data using simple linear fits in order to account for the decline in trigger
rate. Data with the lowest backscatter (BS,: < 5000) and minimal trigger rate variation
(T Ryms < 10) were chosen so as to extract the most stable trigger rate values for the
clearest nights. A cut on zenith angle is also made with, 6, < 50°.

From January 2004 to October 2006, there have been 3 upgrades to the system that
have had a noticeable effect on the trigger rate. Each of these upgrades have increased the
trigger rate by 38% on average. Four time corrections have been derived for each region
between the upgrades and are marked in Figure 4.2. The periods and range of runs for

each region are listed in Table 4.1. Table 4.2 shows the percentage change of trigger rate

1See Appendix A for period to date and run number conversions.
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Figure 4.3: Mean zenith angle corrected trigger rate with linear fits for regions (a) I, (b) II,
(¢) III, and (d) IV.

d —k;
pi(darsp) = "“z—p +1 For Regions i = I, II, ITI, IV (4.3)
where p; corresponds to the x-axis of the fit figures and the first day of each region
corresponds to p; = 0.53, dpsyp is the modified Julian date, Ap = 29.4 days is the average

duration of each period, and k; is a constant found for each fit given in Table 4.3. All

3This is because pi=1 is taken to be at the midpoint of the first observation period.
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Table 4.2: The percentage drop in average trigger rate over a region and the rise of trigger

rates between periods, along with its cause.

Region | ATR Cause of increase

I -48% —

Itoll | +57% | PMT HV/gain increase
I1 -30% —

IT to IIT | 4+35% | PMT HV/gain increase
I11 -18% —

III to IV | +22% | PMT bases changed

v -32% —

fits were normalised to 350 Hz. The final time corrections for each region as a function

of modified Julian date are,

with the final zenith angle and time corrected trigger rate being,

TR
TR(0:,dmsp) = = R(0.)upTR(driD)cor

where T'R is the observed trigger rate.

(4.4)

From now on the zenith angle and time corrected trigger rate will be referred to as

the corrected trigger rate and the zenith angle corrected trigger rate will be referred to as

the ZA trigger rate.

Figure 4.4 shows the ZA trigger rate before and after it has been time corrected and

how this makes the trigger rates more comparable over the course of 2 years.

Table 4.3: Constant k; values for Equation 4.3 used to convert observation period to MJD.

kr | 53056
krr | 53350
krrr | 53587
kry | 53824
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4.2 Trigger Rate and Atmospheric Data

4.2.1 Trigger Rate and Radiometer Temperature

Figure 4.5(a) shows the ZA trigger rate versus the sky radiance for data taken from the
most observed source each month from March to June 2006. A source-by-source approach
was done to minimise the variation on short time scales since the trigger depends on place
in the sky. The idea is to get short-term trigger rate trends from looking at the same
patch of sky. No correlation exists in March or April, but correlations start to occur in
May and especially June.

Figure 4.5(b) compares the sky radiance with relative humidity using the same data.
One can see that March and April are times of higher relative humidity and sky radiance
whereas May and June have the lowest sky radiance values.

Overall, Figure 4.5 indicates that seasonal dependence in radiometer data should be
taken into account before using it as an absolute sky quality measure as trigger rate mea-
surements are most correlated with radiometer data during times of low relative humidity

and sky radiance.

4.2.2 Trigger Rate and Backscatter

In Figure 4.6 it can be seen that there is a correlation between the corrected trigger rate
and backscatter integral, with the largest backscatter integral values reducing the trigger
rate to ~40% of the maximum trigger rate. Region I shows rather good correlation (with
a correlation coefficient of -0.84) while region IV shows greater scatter (with a correlation
coefficient of -0.56). The cause for the low trigger rates with low backscatter in region
IV were investigated, looking at zenith angle, weather variables, trigger rate rms, and the
source observed for these runs. No relation can be found between any of these variables.

Figure 4.7 compares the ZA trigger rate with the backscatter integral for 3 differ-
ent sources before and after time correction. The correlation between trigger rate and
backscatter varies between sources, indicating a source dependence on the trigger rate.
It can also be seen from Table 4.4, that the time correction improves the correlation
coefficients, most prominently for HESS J1745-290.

Figures 4.6 and 4.7 clearly demonstrate that the amount of aerosols affects the trigger
rate. However, there are large trigger rate fluctuations. This could be due to transmissiv-
ity differences in the ceilometer wavelength of 905 nm and Cherenkov radiation around

400 nm. It is reasonable to say that measuring aerosols in the Cherenkov spectrum would
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Figure 4.8: Zenith angle corrected trigger rate versus transmissivity with data from HESS
J1745-290, PKS 2155-304, and H 2356-309.

4.2.4 'Trigger Rate and Other Variables

To make for a complete study, the search for trigger rate correlations were extended to
many other variables. These relations were explored in [98], but no correlations were
found. Figures of the following variables versus corrected trigger rate can be found in

Appendix B,
e Night sky background
o Air temperature

Air Pressure

e Relative humidity

e Radiometer temperature

Muon efficiency averaged over all 4 telescopes
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4.3 Gamma-ray Flux and Atmospheric Data

The foundation has been laid for looking at the telescopes’ trigger rates by looking at
trigger rate correlations with the radiometer, ceilometer, and transmissometer data. A
correlation between trigger rate and atmospheric data illustrates the potential of using
trigger rates to correct gamma-ray data for atmospheric effects, provided that gamma
rays are affected in a similar way. The next step is to compare gamma-ray data with
atmospheric and trigger rate data.

In [98], the gamma-ray fluxes were compared with backscatter for the Crab Nebula and
HESS J1745-290 (the galactic centre). The Crab was chosen for its constancy and inten-
sity, while HESS J1745-290 was chosen because it was observed in August and September
2004, a period where aerosol concentrations were seen to be at their highest levels. The
integrated flux above 1 TeV was compared with the integrated backscatter signal for both
sources, shown in Figure 4.9. In each case, no correlation between flux and backscatter
is seen. This gives confidence in the data by showing that Cherenkov light created by

gamma rays greater than 1 TeV is not heavily influenced by aerosols in the atmosphere.
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Figure 4.9: Gamma-ray flux above 1 TeV versus backscatter integral for (a) the Crab Nebula
and (b) HESS J1745-290, from [98].

Figure 4.10 shows how aerosols reduce the gamma-ray effective area for a given gamma-
ray energy. This effect is most pronounced at energies less than ~0.25 TeV. The difference

between effective areas hints that these gamma rays should be affected by aerosols. In
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Figure 4.10: The gamma-ray effective area versus gamma-ray energy is plotted for the standard
(uncorrected) atmosphere and an atmosphere with a dense aerosol layer (corrected).

addition, it has also been shown from Section 4.2 that the trigger rate, hence Cherenkov
light, is reduced when large concentrations of aerosols are present. The overall attenuation
of Cherenkov light would imply the subsequent degradation of the telescope’s ability to
detect gamma rays.

An ideal source to study would be one of constant flux with a spectral index of ~3.
This would provide a greater number of lower energy gamma rays that are thought to be
more affected by aerosols. Unfortunately, such a source has not yet been observed and
the spectral indices dealt with here are ~2.

In this section, gamma-ray fluxes will be compared with backscatter, transmissivity,
and radiometer measurements using the sources, HESS J1813-178, HESS J1837-069, and
additional data from HESS J1745-290.
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4.3.1 HESS J1813-178

HESS J1813-178 was first detected as a part of the first galactic scan, showing positional
coincidence with an X-ray source detected by ASCA and INTEGRAL, and a radio source
detected by VLA, indicating a probable association with a shell-type SNR [22]. Lack of
good coincident ceilometer and observational data makes it hard to draw any conclusions,
but looking at other sources, such as HESS J1837-069 and HESS J1745-290, will allow a
better comparison for spotting any trends.

The run list for this source is found in Table C.1 in Appendix C, showing the run
statistics of good and bad ceilometer and observation runs. In the end, 10 out of 29 runs
were analysed. The basic results of my analysis are shown in Table 4.5. The light curve is
shown in Figure 4.11 with an average flux of (8.6 +4.4) x 107!2 cm~2 s~! with a reduced

chi-squared fit to a constant flux of x2/ndf* = 1.6.
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Figure 4.11: Light curve of J1813-178. The last two points have the highest backscatter, but
have similar fluxes to the other runs.

Figure 4.12 shows the integral flux compared to corrected trigger rate, backscatter,

transmissivity, and sky radiance, as well as corrected trigger rate with backscatter integral

4ndf = number of degrees of freedom
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and transmissivity. Each point represents one observation run of 28 minutes. There is
hardly enough data to make any conclusions and the data that is present is clumped
together and unsuggestive. Nevertheless, a few statements can be made. Looking at the
run with the highest flux in Figure 4.12(b), it is true that it has the lowest backscatter, but
it is not true that the lowest flux has the highest backscatter. Two runs with a backscatter
at least 5 times greater than all the other runs, have fluxes below ((3.3+4.5) and (8.3
4.6)x1071? cm~2 s7!), although within errors, of the average flux of (8.644.4) x 10712
cm~2 s7!. The backscatter profile for the run with the highest backscatter integral value
(run = 22408) is shown in Figure 4.13. Even though a dense aerosol layer (BSy,; ~ 50,000
st~!) has a marginal, influence on flux, it can be seen in Figure 4.12(e) that trigger rates

are drastically affected.

Table 4.5: Basic results of gamma-ray analysis for all 3 flux sources, all fit to a power law
spectrum.

| HESS J1813-178 | HESS J1837-069 | HESS J1745-200 |

Cuts (p.e.)® Loose (40) Standard (80) Standard (80)
®,) 22° 31° 20°
Significance 50 4.50 15.9¢0
Excess 109 v-rays 96 ~y-rays 763 y-rays
Energy Threshold 0.27 TeV 0.31 TeV 0.18 TeV
Average Flux® 8.6+4.4 24.34+12.1 11.440.1
Spectral Index 2.14+0.1 2.240.1 2.32+0.04
Integral Flux (> 200 GeV) 8.56+4.4 11.2+14 10.0+£0.6
(3.1% Crab Flux) | (3.8% Crab Flux) | (3.1% Crab Flux)
Integral Flux (> 1 TeV) 1.43+0.25 1.68 £0.21 1.19 £ 0.06
(6.8% Crab Flux) | (6.9% Crab Flux) | (4.9% Crab Flux)
x?/ndf 2.4/3 4.6/3 11.4/10

5For an explanation of analysis ¢uts, see Section 1.6.
6All flux values are in units of [10712 cm~2 s71).
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Figure 4.12: Integral flux versus (a) corrected trigger rate, (b) backscatter integral, (c) trans-
missivity, and (d) sky radiance. Also shown, (e) corrected trigger rate versus backscatter integral
and (f) transmissivity, for HESS J1813-187. No striking correlations are seen due to little avail-

able data.

120






4. 4.3. Gamma-ray Flux and Atmospheric Data

4.3.2 HESS J1837-069

Like the previous source HESS J1813-178, HESS J1837-069 was first detected as a part of
the first galactic scan and is positionally coincident with a diffuse X-ray source detected by
the ASCA, BeppoSAX and INTEGRAL satellites. The nature of the source is unclear,
but might be a SNR or PWN [22]. It has since been observed in follow-up pointing
observations. The new pointing runs had few good associated ceilometer data.

The run list is found in Table C.2 in Appendix C, showing the run statistics of good
and bad ceilometer and observation runs. Twenty-one out of 52 runs were used in analysis.
The basic results of my analysis are shown in Table 4.5. The light curve is shown in Figure
4.14 with a constant flux of (2.4 4 1.2) x 107!! em™2 s7! and a reduced chi-squared fit to
a constant flux of x/ndf = 1.2.
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Figure 4.14: Light curve of J1837-069.

Figure 4.15 shows the integral flux compared to trigger rate, backscatter, transmis-
sivity, and sky radiance, as well as corrected trigger rate with backscatter integral and
transmissivity. This source has twice as much data as HESS J1813-178, but the data are
still considerably clumped. No outstanding correlations are seen, but a few runs stand
out that should be discussed. The run with the highest flux (run=23051), but with the

122



4. 4.3. Gamma-ray Flux and Atmospheric Data

highest flux error, has the highest sky radiance, largest zenith angle, highest background
light value, with moderate backscatter. There is no indication that any of these factors
have an influence on the flux.

Other points that stick out are runs 23022 and 23023 that have relatively low trans-
missivities (~ 0.96) and high trigger rates (~ 380 Hz), shown in Figure 4.15(f). There
is nothing else striking about these runs, all other parameters are relatively moderate.
A suggestion is that the trigger rate time corrections presented in Section 4.1.1 may be
over compensating, since these runs fall at the end of region I where trigger rates are the
lowest, and hence where correction values would be highest.

Finally, the runs with the highest backscatter were examined and have fluxes within
errors ((1.440.6) and (1.240.6) x 107! cm™2 s71) of the average flux of (2.4+1.1) x 10~
cm™2 57! (but on the ‘low’ side), with the lowest trigger rates (~ 180 Hz).
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Figure 4.15: Integral flux versus (a) corrected trigger rate, (b) backscatter integral, (c) trans-
missivity, and (d) sky radiance. Also shown, (e) corrected trigger rate versus backscatter integral

and (f) transmissivity, for HESS J1837-069.
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4.3.3 HESS J1745-290

HESS J1745-290 is located in the galactic centre, a rich source of VHE gamma rays,
discussed in 1.3.1. This was an ideal source to investigate due to its large dataset and
seemingly constant gamma-ray emission [6]. Seventy out of 300 runs with good ceilometer
and observational data were used for analysis.

There is a diffusive emission component accounting for 16% of the gamma-ray flux
[19], but since I am only interested in dealing with absolute flux correlations with atmo-
spheric data and not investigating particle acceleration mechanisms, it does not need to
be subtracted. The light curve from HESS J1745-290 is shown in Figure 4.16 with an
average flux of (1.1 +£0.1) x 107! cm™? s7! and a reduced chi-squared fit to a constant
flux of x/ndf = 0.2
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Figure 4.16: Light curve of HESS J1745-290.

Figure 4.17 shows the integral flux compared to trigger rate, backscatter, transmis-
sivity, and sky radiance, as well as corrected trigger rate with backscatter integral and
transmissivity. The highest flux runs (20597 and 22258) are among the lowest backscat-
ter, but the highest backscatter runs have fluxes within the average integral flux of
(1.1 £ 0.1) x 107" c¢cm™ s7! as can be seen in Figure 4.17(b). Figures 4.17(a) and

(b) seem to show convergence toward the average flux with increasing aerosols.
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Figure 4.17: Integral flux versus (a) corrected trigger rate, (b) backscatter integral, (c) trans-
missivity, and (d) sky radiance. Also shown, (e) corrected trigger rate versus backscatter integral
and (f) transmissivity, for HESS J1745-290. (a) and (b) seem to show convergence toward the

average flux with increasing aerosols.
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4.3.4 General Conclusions

e The highest flux points are among the lowest backscatter values and with their

aerosol layers below 550 metres.

e The highest backscatter runs have fluxes within the average flux (but slightly lower)
for each source and with the lowest trigger rates as was also demonstrated in Section
4.2.2.

e The large amount of data for HESS J1745-290 shows convergence to the average

flux for high aerosol concentrations.

e There is a possible correlation with fluxes, trigger rates and backscatter integral (ie.

there are no high fluxes observed with low trigger rates or high backscatter).

o All these sources have a fairly hard spectrum, I' ~ 2, and so softer spectra may show
a greater dependence on aerosol concentrations since they would contain a larger

fraction of lower energy gamma rays. This will be explored in the next section with
PKS 2155-304 (with T’ = 3.3).
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4.4 Active Atmospheric Calibration

In this section a method is developed, called active atmospheric calibration, to show
how gamma-ray data can be corrected for atmospheric effects, implemented when observ-
ing under high aerosol conditions. Runs with high aerosol concentrations are normally
rejected due to their low trigger rate, but through this method, the standard clear atmo-
sphere used in analysis for Cherenkov light transmission can be adjusted to represent an
atmosphere with a dense aerosol layer. The following approach is a summary of what is
developed in [98, 39, 116].

Cherenkov Transmission & Trigger Rates with Non-standard Atmospheres

In the simulation chain used to model the H.E.S.S. system and its response, transmis-
sion tables are used to characterise the opacity of the atmosphere. MODTRAN (see
Section 1.6.4) simulates atmospheric transmission and can be adjusted for different types
of atmospheres. Atmospheric transmission is expressed in terms of optical depth over a
wavelength range between 200 nm and 700 nm, and for various heights in the atmosphere
where Cherenkov light is produced. These optical depths are then generated in the form
of tables.

The current standard atmosphere used in H.E.S.S. data analysis is a desert aerosol
model [93]. Increasing the wind speed parameter’ increases the aerosol density in the
lowest 2 kilometres of the atmosphere, reducing the transmission probability. Figure
4.18 shows the reduction of the transmission probability with the standard atmosphere
compared to a layer with aerosols. Different wind speeds for various concentrations of
aerosols distinguish these models from the standard atmosphere, which has a wind speed

! were produced. Using

of 10 ms™!. Optical depth tables for wind speeds from 0 - 30 ms™
CORSIKA (see Section 1.6.4), simulations of Cherenkov light produced by cosmic ray
air showers over a range of zenith angles are then processed by each optical depth table
to determine the amount of Cherenkov light transmitted through the atmosphere. The
transmitted light is then run through the telescope simulation code, sim_hessarray (see
Section 1.6.4), to determine the trigger rate detected by the telescopes. This results in a
relation between wind speed and trigger rate, shown in Figure 4.19. The process described

above is illustrated in Figure 4.20.

™It should be noted that adjusting the wind spéeed only serves to increase the aeroso! density and does
not represent the actual wind speed observed on site.
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Application to Gamma-ray Simulations

Exploiting the fact that trigger rate is dependent on atmospheric clarity, demonstrated
in Section 4.2.2 (along with using the LIDAR to constrain the aerosol population and
shower depth profile® to check the aerosol behaviour), allows us to choose a representative
atmospheric model by matching the observed trigger rates to simulated trigger rates. This
is done through the variation of wind speed as described in the previous section. Once
an atmosphere has been selected, a large number of gamma-ray shower simulations are
applied to it (using CORSIKA), producing lookup tables (using sim_hessarray), which
include the parameters: mean-scaled length and width; gamma-ray energy, and gamma-
ray effective area, for 0°, 0.5°, and 1.0° wobble offset® [98, 21]. Figure 4.21 illustrates this
sequence of execution. Once lookup tables are produced, the data are run through the
standard H.E.S.S. analysis chain, as described in Section 1.6.

8The shower depth profile is a measure of the height above the ground where gamma rays initiate
their air shower.

9Wobble offset is an observation mode where the centre of the telescopes are displaced from the source
at said angles.
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Effects on Gamma-ray Parameters

The effects of different atmospheres on gamma-ray energy, effective area, and energy
threshold have been explored in [98] and are summarised here. The biggest effect of dif-
ference atmospheres is on energy reconstruction. The fractional energy difference between

a standard atmosphere and a corrected atmosphere is given by,

_ E22.5 - Estd

F
b Estd

(4.5)
where Fq is the energy found in the standard lookup table and Fs; 5 is the energy simu-
lated for a corrected atmosphere with a wind speed of 22.5 ms~!. Table 4.6 shows how the
standard atmosphere underestimates the energy compared to the corrected atmosphere.
The energy is underestimated because aerosols diminish the Cherenkov light intensity, and
since the intensity is proportional to the gamma-ray energy, a lower gamma-ray energy is
derived. These values also show that the effect is enhanced with increasing zenith angle.
For example, for 8, = 0, Esq = 0.69F5, 5 and for 8, = 60, Ey;y = 0.56E9 5.

Table 4.6: The fractional energy difference between the standard atmosphere and an atmo-
sphere with a wind speed of 22.5 ms~!, data from [98].

8, (°) | Fg (mean) | Fg (rms)
0 0.44 0.22
20 0.47 0.22
30 0.49 0.22
40 0.55 0.22
45 0.58 0.21
50 0.63 0.21
%) 0.70 0.22
60 0.78 0.22

Previously discussed at the beginning of this section, Figure 4.10 shows the effect on
the gamma-ray effective area. It can be seen that the effective area is not noticeably
affected at energies greater than 0.25 TeV, but starts to become increasingly important
at lower energies.

The effect on energy threshold is shown in Figure 4.22. The most notable feature is

the increase with zenith angle where the energy threshold for the dirtiest!® atmosphere is

10The ‘dirtiest’ atmosphere refers to the non-standard atmosphere with aerosol content corresponding
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a factor of 2 times bigger than the standard atmosphere at 60°.
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Figure 4.22: The energy threshold for a standard atmosphere (bottom points) and an atmo-
sphere with a wind speed of 22.5 ms™! (top points), from [98].

4.4.1 HESS J1745-290

Active atmospheric calibration has been first applied to a constant flux source in order
to test the validity of this method. The source chosen was HESS J1745-290 (the galactic
centre) because it was observed in August 2004 which has been one of the dustiest months
of observation [98]. The gamma-ray flux was derived for 7 high aerosol runs with a wind
speed of 22.5 ms™!. The corrected flux shown in Figure 4.23 falls within the error of
the published average flux. This result gives more confidence in the application of this
method to a varying source.

The next two sections will apply this technique to two variable sources, PKS 2155-304
and H 2356-309. PKS 2155-304 is known to be a relatively strong source, while H 2356-
309 has been observed to be about 10 times weaker. This fact will highlight the effects of

active atmospheric calibration on a high versus a low flux source.

to a wind speed of 22.5 ms~1.
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Figure 4.23: The integral flux for HESS J1745-290 above 165 GeV derived from 7 runs in
August 2004, when high aerosol levels are present. Corrected and uncorrected fluxes are shown
by an ‘x’ and circle, respectively. Also shown is the published average integral flux for the source
with associated errors indicated by the arrows, from [98].
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4.5 PKS 2155-304

PKS 2155-304 is a high-frequency peaked BL Lac (HBL) at redshift z = 0.117 discov-
ered with the HEAO 1 X-ray satellite [131, 75]. It has been subsequently detected and
extensively studied in radio, infrared, optical, and UV wavebands [120]. It is one of the
brightest extragalactic X-ray sources and is the brightest BL Lac detected in UV [108].
It is associated with a compact, flat-spectrum radio-source and emits a near featureless
continuum from radio to X-rays [10].

PKS 2155-304 was discovered in gamma rays with the EGRET satellite in the energy
range from 30 MeV to 10 GeV [148], and was discovered in VHE gamma rays using
the Durham Mark 6 telescope at energies greater than 300 GeV [45]. It has since been
observed by H.E.S.S. in VHE gamma rays above 160 GeV in quiescent and high flare

states, showing variability on time scales of months, days, hours, and minutes [10, 23].
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Figure 4.24: Backscatter integral versus modified Julian date in 2004 and 2005 for PKS 2155-
304. The runs with the highest backscatter are found in August 2004 while relatively low levels
are found in 2005.

The trickiest aspect of analysing a variable source with a dusty atmosphere is dis-
entangling atmospheric effects from source variability. Nevertheless, PKS 2155-304 is a
good candidate due to the amount of data available on this object, with a large number

of runs containing a high density of low-lying aerosols. These data are also important
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because they were taken during the time a multiwavelength campaign was in progress.
Strong source detection will also aid in placing limits on the EBL (discussed in Section 2.2
and Section 4.8). There were 288 runs taken in 2004 and 2005. After run selection, 174

good!! ceilometer and observation runs (164 from 2004 and 10 from 2005) were analysed.
4.5.1 Chosen Atmospheres

Observations of PKS 2155-304 have detected some of the highest concentrations of aerosols
ever seen at the H.E.S.S. site. This is illustrated in Figure 4.24, showing the backscatter
integral over the time containing all analysed runs. The worst atmospheric conditions
were encountered in August 2004.

The corrected trigger rate versus zenith angle is plotted in Figure 4.25. The solid red
line illustrating the groups of constant trigger rate over zenith angle is indicative of a
specific atmospheric condition. The average corrected trigger rate corresponding to the
red line was found for each group and corresponds to a specific simulated wind speed.

These values are listed in Table 4.7.

Table 4.7: The average corrected trigger rate (TR) and corresponding wind speed (WS) for each
atmosphere used to analyse PKS 2155-304 data. The run number and corresponding backscatter
are also listed to show the average backscatter integral value for each subset of runs.

WS (ms™!) || Corrected TR (Hz) | Run | BSpy (st™)
17.5 335 22070 4266
20.0 285 22007 16181
22.5 230 22053 36601

Typical backscatter profiles representing each atmosphere are shown in Figure 4.27.
The run numbers and backscatter integral values representative of each atmosphere are
shown in the last columns of Table 4.7. Table C.3 in Appendix C lists the runs analysed
and which atmosphere they are classified under. There are 79 runs (45%) classified under
17.5 ms™!, 24 (14%) classified under 20.0 ms™!, and 71 (41%) classified under 22.5 ms™.

As a check (independent of the ceilometer) for the validity of modelling the aerosols in
the lower 2 km of the atmosphere, an additional set of atmospheric models were simulated
with aerosol densities at higher altitudes. The reconstructed mean shower depth as a
result of these various aerosol altitudes was compared to the mean shower depth derived

from the data. Figure 4.26 shows the simulated reconstructed shower depth for layers

UThe term ‘good’ refers to cloudless runs free from hardware malfunctions of the ceilometer and
telescope array with 4 telescopes in operation.
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4.5.2 Results

Using the technique from Section 4.4, it will be shown how active atmospheric calibration
affects the results of gamma-ray analysis. The main idea to stress here is that simulations
using the standard atmosphere will underestimate the gamma-ray energy when there is
low-lying dust present. This is because Cherenkov light will be absorbed or scattered
through a dusty layer, therefore underestimating the energy since the assumption implicit
in the analysis is that the atmosphere is relatively clear. When dusty layers are taken
into account, greater Cherenkov light scattering/absorption is accounted for. Therefore,
the energy and corresponding fluxes calculated with the corrected lookup tables should
produce larger gamma-ray fluxes.

Table 4.8 compares gamma-ray analysis results using the standard atmosphere and
corrected atmosphere. The significance and spectral index are essentially unchanged be-
tween standard and corrected atmospheres in 2004 and 2005. In 2004, the integral flux
above 200 GeV increases substantially by 75% and doubles above 1 TeV. In 2005 the
corrected fAlux above 200 GeV is 60% greater, but above 1 TeV the integral flux is not
much greater (40%) than the standard flux due to the steep spectrum. Due to the high
significance detected in 2004, the combined spectral properties for 2004 and 2005 are
essentially that of 2004.

Table 4.8: Comparison of gamma-ray data using standard (Std) and corrected (Corr) atmo-
spheres. The significance and spectral indices are not affected by atmospheric correction, but
the integrated flux is significantly affected (see text for discussion).

Atmosphere | Significance | Spectral Index | I(> 0.20 TeV) I(> 1 TeV)
+0.14ys [107 ecm™2 571 | [107"® cm™2 57
Std (2004) 104 o 3.56+0.03 3.24+0.1 52402
Corr (2004) 106 o 3.47+0.02 5.6 +£0.2 10.7 £ 0.3
Std (2005) 20 o 41402 3212 2.0 05
Corr (2005) 200 4.240.2 5.1+1.3 28+04
Std (All) 106 o 3.56+0.03 3.1+0.1 5.1+£0.2
Corr (All) 108 o 3.47+0.03 5.6 +£0.2 10.56+£0.3

Figure 4.28 shows the spectrum for 2004 and 2005, while Figure 4.29 shows the com-
bined spectrum from both years. As discussed from Table 4.8, the increased flux is ap-
parent in each graph while the overall shape of the spectrum is not significantly changed.

In order to show the effects of each individual corrected atmosphere, runs were subdi-
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Figure 4.28: The spectrum of PKS 2155-304 in (a) 2004, and (b) 2005 (one atmospheric type,
20 ms~!). The properties of the spectra are listed in Table 4.8 while the differences are discussed
in the text.
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Figure 4.29: The spectrum of PKS 2155-304. As quantified in the text and Table 4.8, the
spectral shape is not much affected, but the overall corrected flux is increased.

vided into their respective atmospheric class. Table 4.9 and Figure 4.30 compare the runs

in each corrected atmosphere 17.5, 20.0, and 22.5 ms™

1

with the standard atmosphere.

It can be seen from the table that the fractional change in the integral flux above 0.20

TeV, Al = (Lo —

Istd)/ |Lsta|, increases with increasing aerosols showing that the amount

of flux correction directly corresponds to the amount of aerosols in the atmosphere.
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Table 4.9: Comparison of uncorrected and corrected gamma-ray data in 2004 for runs in each
atmospheric class.

Atmosphere | Significance | Spectral Index | I(> 0.20 TeV) I(> 1 TeV) Al
+0.14y, (107 cm™2 s7!] | [1071 cm™2 571

Std 72 0 3.57+0.04 4.0£0.2 6.4+0.3 40%
17.5 ms™! 730 3.461+0.03 5.6+0.3 10.6 £0.4

Std 48 o 3.5610.06 3.9+0.4 6.24+0.5 69%
20.0 ms~! 48 o 3.53+0.06 6.6£0.7 11.3+0.8

Std 57 o 3.5840.2 2.6+0.2 4.0+0.2 115%
22.5 ms~! 59 ¢ 3.66+0.04 5.61+0.4 9.1+0.4

The fractional change in flux was also looked at on a run-by-run basis. In the PKS
2155-304 dataset, 9 out of 174, or 5%, of these runs returned lower fluxes with their new
lookup tables. These were all runs with a zenith angle greater than 50° with large flux
errors and are no cause for concern.

Figure 4.31 shows the light curve for the observation period P2004-08 comparing the
corrected with the standard flux. The average standard flux is (5.10+2.18)x 107! cm™
and the average corrected flux is (9.144:1.06) x 10~!! cm~2. This period illustrates the flux
differences most clearly as this period contains 82% of the total runs analysed. Figure
4.32 shows the histogram of gamma-ray fluxes comparing corrected and standard fluxes
including all data. The shift to higher fluxes is apparent, with the corrected average flux
greater by 80%.

The previously published time-averaged flux in 2004 is given by Iy = (2.17 £ 0.08) x
1072 cm™2 57! TeV ™! with a spectral index of 3.58 & 0.04 fit to a power law [64]. These
values correspond to an integrated flux above 200 GeV of I(> 200 GeV) = 5.4 £ 0.2 x
107! cm™2 s7!. These published values agree with the data here of I(> 200 GeV) =
5.6 + 0.2 x 107 cm™2 s7! with a spectral index of 3.47 & 0.02, indicating that this
method works well to reproduce consistent results.

Next, H 2356-309, another variable but lower flux source will be analysed and set
against the results from PKS 2155-304.

142



4.5. PKS 2155-304

17.5 m/s: 2004

10*

RN

-
<
E

T T

-

S
L
2

TT IHI"I

dN/dE [cm? s TeV)

10

T III||II|

O Standard Atmosphere
= == Power law fit (Standard)
o Comectod Atmosphere
== Power law it (Correctad)]

10" : .

20.0 mvs: 2004

T

H

TT ll”lll

-
°n

10"

dN/dE [cm™® s TeV' ]

T T IUHII

10"

Ty

O Standard Atmosphere
= = = Power law (it (Standard)
®  Comected Atmosphere
Power law il (Comected)

22.5 nvs: 2004

10

T 7T IIIIPIII

-

o,
4
o

R

10"

LR

dN/dE [em? 87 TeV']

10-12

IIII"I

O  Standard Atmosphere

= = = Power law fit (Standard}
®  Comected Atmosphere

= Powoer law fit (Comrected)

Figure 4.30: Spectrum of PKS 2155-304 in 2004 for runs associated with (a) 17.5 ms~!, (b)
20.0 ms™!, and (c) 22.5 ms~! atmospheres. The runs were separated into respective atmospheric
classes. All spectral indices are unchanged within errors, but the difference between uncorrected
and corrected flux increases with increasing aerosols (quantities found in Table 4.9).
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4.6 H 2356-309

H 2356-309 is an extreme BL Lac with a redshift of z = 0.165 that was first detected by
its host elliptical galaxy in the optical band [130] and was detected in X-rays with the
satellite experiment Uhuru [65]. H 2356-309 was selected for the catalogue of good BL
Lac VHE gamma-ray emitter candidates {48, and was first detected in VHE gamma rays
in 2004 by H.E.S.S [14].

Since its discovery in VHE gamma rays in 2004, more data have been taken in 2005
and 2006. It can be seen in Figure 4.33 that there are high aerosol concentrations present
in 2004 and 2005, and moderate levels in 2006. 390 runs were taken from 2004 to 2006.
After run selection, 165 good ceilometer and observation runs were analysed (78 in 2004,
50 in 2005, and 37 in 2006).
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Figure 4.33: Backscatter integral for 2004, 2005, and 2006 for H2356-309. The greatest levels
of aerosols are found in 2004 and 2005 with relatively modest levels in 2006.

4.6.1 Chosen Atmospheres

In the same way as PKS 2155-304, 4 atmospheres were chosen based on constant corrected
trigger rate groups. The plot of corrected trigger rate versus zenith angle (Figure 4.34)
shows that active atmospheric calibration may be applied to this data. As stated before,

this technique is especially useful when trigger rates do not meet the trigger rate criteria
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Table 4.11: Comparison of gamma-ray data using standard (Std) and corrected (Corr) at-
mospheres. Spectral indices vary, but are constant within errors (except in 2005). The time
average corrected spectral index remains unchanged. The corrected integral flux above 200 GeV
increases for all years, but is not always the case for the integrated flux above 1 TeV due to
larger corrected spectral indices.

Atmosphere | Significance | Spectral Index | I(> 0.20 TeV) I(> 1 TeV) Al
+0.14y, (1072 ecm=2 571 | [107M cm™2 7!

Std (2004) 750 3.3+0.2 3.1+0.8 7.6£1.5 29%
Corr (2004) | 8.1o 3.940.1 40410 3.940.7
"Std (2005) 150 2.440.2 2.140.5 231552 | 34%
Corr (2005) | 4.8 ¢ 3.240.1 3.240.7 9.9+1.8

Std (2006) 43 o 4.0+0.4 2.240.9 1.7£0.8 18%
Corr (2006) 380 3.6+0.4 2.6+1.6 4.3+1.8

Std (All) 970 3.240.1 2.8+0.6 8.3£1.3 1 25%

Corr (All) 10.2 o 3.240.1 3.5+£0.8 10.6£1.8

Table 4.12: The fraction of runs in each atmospheric class returning lower corrected fluxes.
No correlation with atmosphere is seen.

Wind Speed (ms~!) | Fraction with AI < 0
10.0 6/15 = 40%
16.0 28/94 = 30%
19.0 16/37 = 43%
22.5 6/19 = 32%

though it can be seen from the above figures and results that there is an overall increase in
flux as a result of the correction, average flux errors are larger than the values themselves

and corrected and uncorrected values are essentially the same.

Data from 2004 were previously published by H.E.S.S. and analysed by two indepen-
dent methods (Hillas moment and 3D model analysis) yielding consistent results. The
3D model analysis resulted in a 11.60 signal corresponding to an observed integral flux
above 200 GeV of I(> 200GeV) = (4.1 4 1.4) x 1072 cm™? s™! with a spectral index of
3.09 £ 0.24 [14]. The flux is well in agreement with the 2004 results presented here, but
the spectral index derived in this thesis is steeper than published results.
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Table 4.13: The fraction of runs per year returning lower corrected fluxes. No correlation with
year is seen.

Year | Fraction with Al < 0
2004 16/78 = 21%
2005 20/50 = 40%
2006 13/37 = 35%

4.6.3 Comparison with PKS 2155-304

The flux detected from H 2356-309 is about ~10 times lower than PKS 2155-304. There-
fore, many of H 2356-309’s observation runs returned negative fluxes consistent with zero,
rendering a flux correction ineffective. An ‘anti-correction’ (meaning corrected fluxes were
lower than uncorrected fluxes) to the flux is seen by approximately 30% of H 2356-309’s
runs. Only 5% of PKS 2155-304’s runs suffered an anti-correction, which was essentially
due to large systematic errors while observing at large zenith angles (> 50°).

The average corrected flux for PKS 2155-304 was 80% greater, compared to a corrected
flux 25% greater than the uncorrected flux for H 2356-309. Also, PKS 2155-304 had a
greater fraction of runs in the highest aerosol atmosphere with 41% of the total runs
in the 22.5 ms™! atmospheric class compared to only 12% for H 2356-309. Any further
conclusions about active atmospheric calibration between different kinds of sources cannot
be drawn at the moment due to the limited number of sources analysed by this method.

The next section will discuss the potential for other sources to be corrected for.
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Figure 4.37: Spectrum of H 2356-309 in (a) 2004, (b) 2005, and (c) 2006. The steeper slopes
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energy points.
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4.7 Correction Potential for Other Sources

I have made a list of all the observed blazars from 2004 to 2006 in order to determine
their potential for atmospheric correction. I have also included two galactic sources, HESS
J1745-290 and the Crab Nebula, due to the amount of data available and their strong
fluxes. A list of these sources in ascending order of redshift is found in Table 4.14. Listed
in this table is the source name, the total number of 4 telescope runs, the number of good
runs (no clouds or uncorrupted ceilometer files), the type of source, the redshift, and if
its a northern or southern source (as lookup tables must take into account the different

magnetic field strengths from northern or southern pointing of the telescopes).

Table 4.14: Table of potential sources to use for atmospheric corrections. The superscripts
next to the sources correspond to their figure label in Figure 4.41.

Source Total Runs | Good Runs Type Redshift | Pointing
HESS J1745-290® 283 31% (88) | galactic centre 0 S
Crab Nebula® 81 54% (44) plerion 0 N
Mkn 421() 42 79% (33) HBL 0.031 N
Mkn 501 9 0% (0) HBL 0.034 N
PKS 2316-423 22 0% (0) IBL 0.055 S
1ES 0548-322(4) 52 58% (30) HBL 0.069 S
PKS 2005-489() 284 54% (153) HBL 0.071 S
PKS 2155-304(") 428 60% (256) HBL 0.116 S
1ES 0145+138 12 75% (9) HBL 0.125 N
1ES 0229+200) 117 62% (73) HBL 0.139 N
1ES 0323+022® 48 69% (33) HBL 0.147 N
1ES 1440+122 5 60% (3) HBL 0.162 N
H 2356-309¢) 364 54% (195) HBL 0.165 S
1ES 1218+30.4 4 75% (3) HBL 0.182 N
1ES 1101-2320) 152 24% (37) HBL 0.186 S
1ES 0347-121%) 63 72% (44) HBL 0.188 S
1ES 2343-151(™) 32 91% (29) IBL 0.226 S
1ES 04144009" 46 65% (30) HBL 0.287 N
1ES 1553+113® 40 40% (16) HBL > 0.25 N

Figure 4.41 shows the backscatter integral values for all sources with more than 10 good
runs. The superscripts in Table 4.14 correspond to their position in Figure 4.41. Sources
containing a noticeable amount of runs with large aerosol concentrations (B.Sy,: 2 30, 000)
are: (a) HESS J1745-290, (e) PKS 2005-489, (f) PKS 2155-304, (g) 1ES 0229+200, (h)
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1ES 03234022, (i) H 2356-309, and (m) 1ES 2343-151. Unfortunately, the sources not
corrected for previously have fluxes lower than or around that of H 2356-309 (< 2% of
the Crab flux). It is therefore unlikely that active atmospheric calibration would improve
current analyses of these sources. However, it was considered worthwhile to check with
PKS 2005-489, which has a run distribution of aerosols similar to H 2356-309 with a

similar flux, but time did not allow for this analysis.
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Figure 4.41: Backscatter integral for sources in Table 4.14.
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4.8 Upper Limits of the EBL using TeV gamma rays
from AGN

In Section 2.2.2, a discussion of how TeV emitting AGN have been used to place con-
straints on the EBL in optical and infrared energies was presented. Herein, a monoener-
getic EBL model first proposed by Schroedter [129], will be used to obtain upper limit
values to the EBL intensity corresponding to the maximum absorption from gamma rays.
The optical depth to gamma rays will be measured directly from the measured gamma-
ray flux and compared to an analytical function of optical depth derived from infrared
observations [139]. These optical depths will be calculated for a high flux blazar PKS
2155-304 and a lower flux blazar H 2356-309, both using the corrected fluxes from the ac-
tive atmospheric calibration method outlined in Section 4.4 and implemented in Sections
4.5 and 4.6.

4.8.1 Monoenergetic EBL Model

The monoenergetic EBL model proposed by Schroedter [129] was developed to derive
upper limits on the EBL and does not depend on an assumed EBL spectral shape like
other methods [12, 138, 53]. The upper limits to the EBL intensity are calculated at
single energy points where the VHE spectrum has been measured. This has an advantage
over other methods since the EBL spectrum is uncertain.

A monoenergetic EBL can be thought of as isotropically distributed photons with a
single energy. When the EBL is assumed to be monochromatic, the contribution of other
wavelengths to the absorption of gamma rays is ignored. The EBL density at that single
wavelength will then have to be larger to reproduce the measured optical depth than if
other wavelengths were allowed to contribute to the absorption.

Consider a single VHE gamma ray of energy E, coming from a distant extragalactic
source. If the gamma ray collides with another particle, it will not propagate in a straight
line and is lost to the observer. Pair production is the most likely type of inelastic collision
in extragalactic space as the photon density is much higher than the matter density. The
absorption of VHE gamma rays is described by yrev + vir — €t + €.

The cross section for pair production from the annihilation of two photons is [74, 58],

_ 3or

on(Epen) = 21— ) x 2007 -2+ G- (125)] o)
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where o7 = 6.65 x 10"%cm™ is the Thomson cross section with 3 = /1 — (es/€). From
conservation of energy, the threshold energy for electron-positron pair production to take
place is,

2(mec?)?

€tn(Ey, 1) = E(-p) (4.7)

where u = cosf and 0 is the angle between the incident photons. The maximum cross
section occurs at 1.70 x 107 ¢cm™2 with 8 = 0.70 corresponding to €E., & 4(m.c?)? ~
1 MeV? or

Ae(pm) & 1.24(E, /(1 TeV)). (4.8)

For example, gamma rays with energies from 0.2 TeV to 10 TeV will most efficiently pair
produce with optical/NIR photons with wavelengths ranging from 0.25 to 12.4 um (or 5
to 0.1 eV). Though gamma rays are absorbed most efficiently when Ee =~ 1MeV?, there is
significant absorption of gamma rays with energies from half to four times as much [129).

The optical depth traversed by a photon observed at energy F., emitted by a source
at redshift z is given by [58],

£ dl 1 11_:“’ oo 1ot A | /
Ty(Ey, 2) = A Edz B Tdu ne(e', 2oy, (B, €, 2 )de (4.9)

€th
where n.(€’, 2’) is the number density of EBL photons and dl/dz = ¢/ H, for small redshifts
(2 < 1). In a monoenergetic EBL model, it is assumed that TeV gamma rays only interact
with the EBL photon corresponding to the maximum cross section for pair production.
This means that the cross section and number density only contribute to the optical depth
when the energies correspond to the peak cross section for interaction. This reduces 7 to,
czno.
T = TO“ (4.10)

and results in an upper limit for the EBL density given by,

THO

CZO0~y

(4.11)

n =

where g, = 1.7x107%° m?

corresponds to the maximum value of cross section for photon-
photon pair production and the Hubble constant Hy = 71 km s~} Mpc™' is used [135].

The upper limit for the EBL intensity at energy e is therefore,
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cne
L(e)=-"—(16x10""%) = —"(16x 1071° 4.12
VIO = 7 (16X 1077) = 2R (16 x 1070) (412)

in units of nW m~2 sr~! where the factor 1.6 x 1071° is due to the conversion from Joules
to eV,

The optical depth is then measured by,
T =In(F;/F,) + 7o (4.13)

where F), is the measured flux, F; is the normalised emitted flux, and 7y is the optical
depth calculated from the lowest gamma-ray energy measured, Ey (~ 0.2 TeV). This
optical depth will now be referred to as the Sch05 optical depth and is discussed next.

Calculation of Normalised Emitted Flux

One way to express optical depth is given in terms of,

r = In(E,/Fy), (4.14)

the natural log of the emitted flux divided by the measured flux. In AGN, the emitted
TeV flux is not well known due to the uncertainties in AGN emission models and must
be deduced by other means. We get around knowing the actual emitted flux using the
following argument. In the Schroedter model [129], the emitted flux (F;) is normalised to
the measured flux (F,) value at 0.2 TeV. If the source is not measured at 0.2 TeV, it is
extrapolated from higher energies. The first source of error comes from the fact that the
extrapolated energy at 0.2 TeV is likely to be overestimated from the actual value due to
the steeper slope of the measured spectrum [129]. We get around this by using the first
energy point as the reference value Ejy, which is often close to 0.2 TeV. By this method,
the normalised emitted flux, Fj, by definition, contains the absorption present at Fy.

To restate in terms of the optical depth, the small amount of absorption at Ejy is
given by 7p. The true emitted flux at Fjy is then given by F,(Ey) = Fpe™ where Fy =
F.(Ey) = Fi(Eyp), while the normalised emitted flux is related to the true emitted flux
by F. = F;/e™. The optical depth at any energy greater than Ey can then be rewritten
as T = In(Fz/Fp) + 7o (equation 4.13).

The normalised emitted flux can also be written as F; = N,E~Tc where N; = F/E"

is a normalisation constant and I', is the spectral index of the emitted radiation. The
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normalised emitted flux can then be rewritten as,

F; = Fy(E/Ep)™"e. (4.15)

This now gives an equation that contains only one unknown, the emitted spectral index,
which is either calculated from equation 4.22 (to be discussed next) or assigned a realistic
lower limit that is often taken to be 1.5 [110]. For illustrative purposes, Figure 4.42 shows
the relationship between the measured flux, the emitted flux, and the normalised flux for
', = 1.8 and 15 = 0.18.
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Figure 4.42: For illustrative purposes, this figure shows the relationship between the measured
flux, the emitted flux, and normalised flux for ', = 1.8 and 75 = 0.18, where €™ is the small
amount of absorption calculated at Fy.

4.8.2 Analytic Optical Depth

An analytic function of optical depth, dependent on redshift and gamma-ray energy, was
derived empirically from infrared observations by [139]. This was done using recent Spitzer

observations along with other data on galaxy luminosity functions and redshift evolution
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in the framework of a backward evolution'?. model of galaxy formation. The intergalactic
background photon density was calculated and a simple analytic form of the optical depth
was constructed. For gamma-ray energies from 4 GeV to 100 TeV and from a redshift of

z ~ 0 to 5 [139], the opacity of the Universe is approximated by the analytic form,

log7 = Az* + Bz + C2* + Dz + E. (4.16)

where z = log[E,/(1 eV)] and A, B, C, D, and E are constants given for different
redshifts and found in [140].

Stecker and Scully (2006) [141] fit the above optical depth over the range of 0.2 <
FE < 2 TeV and 0.05 < z < 0.4. These limits are well suited to the VHE gamma-ray
observational range. The absorption due to the optical depth is primarily from the optical
and near infrared part of the EBL and is given by,

T7(Ey,2) = (A4 Bz) + (C + Dz)In[(E, /(1 TeV)] (4.17)

where A, B, C, and D are different constants for two different galaxy luminosity evolution
models, fast evolution (FE) and baseline (B), given in Table 4.15. The optical depth
calculated from either model will be referred to as the SS06 optical depth. The difference
between the two models is that the fast evolution model evolves more quickly at smaller
redshifts. The FE model is favoured by Spitzer deep number counts at 70 and 160 pm.
An increase in the upper limit on the NIR EBL from simulations in [136] is also favoured
by the FE model. On the other hand, GALEX observations indicate that the evolution of
UV radiation for 0 < 2z < 1 may be slower and more consistent with the B model. Spitzer
source counts at 24 pum also favour the B model, as well as the upper limits derived from
H.E.S.S. observations for 1.5 um [12, 136].

Table 4.15: Coeflicients for the SS06 optical depth function, equation 4.17, for forward evolu-
tion (FE) and baseline (B) galaxy luminosity evolution models.

Evolution Model A B C D
FE -0.475 21.6 -0.0972 10.6
B -0.346 16.3 -0.0675 7.99

12The backward evolution model is a theoretical model of galaxy formation and evolution that extrap-
olates spectral properties of local galaxies to high redshift [91].
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Emitted Spectral Index

The calculation of the SS06 optical depth above can be used to derive the emitted (in-
trinsic) spectral index based on the measured flux and index of the source. The measured

flux F;, is given by,

Fo=F,e™T (4.18)
and
Fp= NpEJ™™. (4.19)
The emitted flux is also given by,
F,= N.E; " (4.20)

where I'; and I',, are the emitted and observed spectral indices, respectively and N, and
N,, are the normalisation constants. Plugging in the optical depth equation 4.17 and

equation 4.20 into equation 4.18 results in,

F, = Fee—((A+Bz)+(C+Dz) InfE,)) _ Née_(A+BZ)E;(Fe+C+DZ). (421)

Equating equation 4.21 with equation 4.19 and combining energy terms results in, ', +
(C + Dz) =T,,, where

I, =T, — AT (4.22)

and the change in spectral index, AI' = C + Dz, is a linear function of redshift.

The optical depth and emitted spectral indices were calculated for PKS 2155-304 and
H 2356-309 for both models, shown in Table 4.16. The values calculated from Stecker
(2007) [136] are as follows: for PKS 2155, I'.(FE) = 2.2, T'.(B) = 2.4, and for H 2356,
[e(FE)=1.5,T¢(B) = 1.9. These values are consistent with those in Table 4.16 and can
be considered trivial since similar measured indices were used. The optical depth values
are larger compared to the optical depth at 0.20 TeV calculated from the Primack model
7p(z = 0.10) = 0.105 and 7p(z = 0.150) = 0.168 [122].

Table 4.16 also shows that the FE model displays greater spectral hardening (smaller
I'.) due to the larger optical depth calculated, causing greater attenuation. Therefore, a

132004 corrected spectral index
1 Combined corrected spectral index for all data from 2004-2006
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Table 4.16: Intrinsic spectral indices and optical depths calculated for a 0.20 TeV gamma ray
using the forward evolution (FE) and baseline (B) galaxy luminosity evolution models.

Source z Ty I'(FE) I'.(B) 7(FE) 7(B)
PKS 2155-304 | 0.117  3.4740.2"% 2.3440.2 2.61+£0.2 0.21£0.17 0.1640.13
H 2356-309 | 0.165 3.4140.15 1.540.1 1.940.15 0.434+0.25 0.3340.19

larger EBL density is expected from this model. The FE model will be used from now on
because it is my aim to calculate upper limits to the EBL.

Figure 4.43 shows the measured spectral indices for 16 measured TeV blazars as of
December 2007, taken from Table 2.1 in Chapter 2. It can be seen that there is a general
trend of spectral steepening with a dip in spectral index around z ~ 0.10 — 0.15. Figure
4.44 shows the emitted spectral indices calculated from equation 4.22 with the FE model.
There is spectral steepening till around z ~ 0.07 followed by noticeably harder spectra
at higher redshifts (z > 0.10). Some values of the intrinsic spectral index are found
to be lower than 1.5, which has claimed to be a realistic lower limit to the intrinsic
spectral index following general arguments arising from the shock acceleration scenario of
relativistic particles {110, 12]. However, [136] has been able to produce a range of gamma-
ray spectra with indices less than 1.5 using numerical simulations accelerating particles at
relativistic shocks of blazar jets, while [110] states the case of producing eztreme indices
of 2/3 with a monoenergetic spectrum of electrons with energies of a few GeV. It should
also be noted that hadronic scenarios generally do not produce harder spectra than those
with an index of 2 [110].

The isotropic luminosity for 10 TeV blazars has been calculated by [136] and a trend
toward blazars having a flatter intrinsic TeV spectra and high luminosities at redshifts
is seen. The sample indicates that harder spectra are also found to be more energetic.
Due to selection effects, more luminous sources with harder spectra are more likely to
be detected at greater distances because of diminution of flux with distance and EBL
absorption. Although only 10 blazars were listed and selection effects are important, one
may speculate as to whether there is a general trend in blazar activity in the form of
high jet Doppler factors at higher redshifts. Figure 4.44, with 16 blazars plotted, further
confirms the notion of harder spectra being detected at higher redshifts. The range of
intrinsic spectral indices also shows that blazars are not identical and should be treated

as such.
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Figure 4.43: Measured spectral indices as a function of redshift for all spectral indices measured
in TeV energies from Table 2.1. It can be seen that there is a general trend of spectral steepening
with a dip in spectral index around z ~ 0.10 — 0.15.
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Figure 4.44: Emitted spectral indices calculated from equation 4.22 (FE model) as a function
of redshift. There is spectral steepening till around z ~ 0.07 followed by noticeably harder
spectra at higher redshifts (2 > 0.10).
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4.8.3 EBL Calculations

Upper limits to the EBL were calculated using the spectra of PKS 2155-304 (z = 0.117)
and H 2356-309 (2 = 0.165). My method differs from Schroedter’s method in that I
have used three different optical depths to calculate upper limits to the EBL, whereas
Schroedter has only used equation 4.13. Schroedter has used a sample of 6 AGN whereas
I have only used 2. Schroedter also assumed identical intrinsic spectral indices of I'e = 1.8
for all AGN, whereas I calculated the spectral index from equation 4.22.

My results are compared to the models and measurements listed in Table 4.17. These
models are individually discussed in Section 2.2.2. Equations used in error analysis can
be found in Appendix B. The same method was employed for both sources and is as
follows.

Steps to measuring the EBL

e Determine initial parameters with Fy taken from first gamma-ray energy data bin,
Fo = F,,(Eyp), and 19 = 7(Ep) calculated from equation 4.17.

e Calculate emitted spectral index using ', = I',, — AT

e Calculate EBL energy e(eV) = 1/E, and wavelength A(um) = 1.24E,,.
e Measure flux per energy bin, F,,.

e Calculate normalised flux F; from equation 4.15.

o Calculate optical depth from equation 4.13 or equation 4.17, where equation 4.13 is

dependent on the data 7y, F},, and F};, whereas equation 4.13 is not.
e Calculate corresponding EBL intensity for each optical depth using equation 4.12

e Repeat for each gamma-ray energy bin measured.

Figure 4.45 shows the Sch05 optical depth at z = 0.117. An emitted spectral index
of I', = 2.33 and 75 = 0.27 is used from the forward evolution model. The Sch05 optical
depth is compared to both SS06 models (at z = 0.117), and to P05 at redshifts z = 0.10
and z = 0.15. It can be seen that the SS06 optical depths agree well with the Sch05
optical depth and so will be used beyond its stated range of 2 TeV. Similar results are
seen in Figure 4.47, showing the optical depth for z = 0.165, using an emitted spectral
index of I'e = 1.5 and 79 = 0.75, which is considerably larger than the results of the
Primack model optical depth at z = 0.150 of 7p = 0.17.
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The effect of each optical depth (Sch05, SS06, and P05 for comparison) on the mo-
noenergetic EBL intensity is compared with direct observations and limits, along with
EBL calculations from MRO07, P05, and DKO05. Figure 4.46 shows the EBL density at
z = 0.117 while Figure 4.48 shows the EBL density at z = 0.165. The upper limits found
in my analysis are ~2-5 times larger than the lower limits derived from source counts.
My results also agree best with the upper limit constraints given by MRO7, in the range
of A ~ 0.4—1 pum. This shows that such a simple and robust way of determining the EBL
is comparable to that of other more complicated techniques. My results are also found to
be about twice the value compared to the HESS06 analysis at ~ 1 — 2 pum (not plotted
in the figures).

Table 4.18 shows the emitted spectral index, optical depth at Fy, and EBL intensity
calculated from Sch05 and SS06 models at wavelengths of 1 and 16 pm for PKS 2155-304.
It can be seen that using the FE model to calculate the emitted index results in the EBL
intensity from the Sch05 optical depth lying between the intensities calculated from the
SS06 models. The emitted spectral index using the baseline model results in the Sch05
optical depth lying below both models. Table 4.19 shows the same data for H 2356-309
with the EBL intensity at EBL wavelengths of ~1 and ~4 um.

Table 4.17: Symbols for different EBL models used in the text with their respective references.

Symbol Reference
Sch05 Schroedter (2005) [129]
SS06 | Stecker and Scully (2006) [141]
MRO7 | Mazin and Raue (2007) [110)
HESS06 | Aharonian, et al (2006) [12]
PO5 Primack (2005) [122]
DKO05 | Dwek and Krennich (2005) [58]
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Table 4.18: Upper limit to the EBL intensity for Sch05 and SS06 optical depths with '), =
3.47+£ 0.2, z = 0.117, Ey = 0.21 TeV for PKS 2155-304.

FE Model Baseline Model
I, 2.34+0.2 2.61 +£0.02
To 0.27 £0.17 0.21 +£0.13
Alpm] [ 1.06+£0.16 | 16.5+2.5 | 1.06 +0.16 | 16.5 £ 2.5
vi,senos | 32.92+3.78 | 5.87+1.80 | 24.01+3.00 | 4.2941.80
vippg | 37.2543.57 { 6.5940.23 | 37.2543.57 | 6.59+0.23
vl,g | 28.35%2.71 | 5.014+0.17 | 28.354+2.71 | 5.01+0.17

Table 4.19: Upper limit to the EBL intensity for Sch05 and SS06 optical depths with I',, =
3.2+0.1, 2 =0.165, Ey = 0.24 TeV for H 2356-309.

FE Model Baseline Model
| 1.5+0.1 1.9+0.1
To ] 0.75 + 0.25 0.57 +£0.19
A [pm] | 0.96 +0.14 3.85 + 0.58 0.96+0.14 | 3.85+0.58
viysehos | 42.0£5.7 | 27.14+£11.85 | 31.94+5.07 | 22.37+11.83
vipg | 41.621+4.05 | 19.724+1.01 | 41.62+4.05| 19.72+1.01
vli,g |31.59+3.07| 14.954+0.76 | 31.59 4+ 3.07 | 14.95 4+ 0.76
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4.9 General Conclusions

This chapter has covered a lot of ground from discussion the telescopes’ trigger rate to
the final calculation of upper limits to the EBL. Trigger rate zenith angle corrections were
made for §, < 50° and time corrected from January 2004 to October 2007. Corrected
trigger rate versus atmospheric variables were investigated, with backscatter having the
biggest effect on the trigger rate. Gamma-ray fluxes for sources with a spectral index of
~ 2 were compared to the same atmospheric variables with a small effect. Differences in
the gamma-ray and cosmic-ray spectrum may be a contributing factor in differing effects.

A new technique for the correction of atmospheric effects due to aerosols called the
active atmospheric calibration was presented. This technique was applied to the HBL
PKS 2155-304 as well as to the HBL H2345-309, which has a flux ~ 10 times lower than
PKS 2155-304. Active atmospheric calibration was shown to work well for PKS 2155-304,
but not for H 2356-309. A suggestion to look at PKS 2005-489 was made in order to
confirm this assertion.

Lastly, the analysis of PKS 2155-304 and H 2345-309 was applied to calculating the
upper limits to the EBL using a monoenergetic model, which assumes that the attenuation
of TeV gamma rays are due to one energy corresponding to the peak of the cross section
for pair production. The results are similar to that of Mazin and Raue [110], which is the

most extensive EBL study using AGN to date.
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5.2 New LIDAR

Figure 5.4 shows that the transmission at 3556 nm from the new LIDAR is correlated
with the cosmic-ray trigger rate. This is an encouraging first result that allows us to use
these transmissivity values to simulate additional atmospheres for dusty nights. This was
done for a week with dusty nights in September 2007 during a LS 5039 multiwavelength
observation campaign. Gamma-ray simulations are currently underway by the Durham

Gamma-ray Group [117].
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Figure 5.4: The transmissivity from 10 km above the site versus the cosmic-ray trigger rate
(data from [117]).

5.3 Conclusions

After over 40 years of development, the imaging atmospheric Cherenkov technique has
proven to be a highly successful way to detect VHE gamma rays. Over 50 sources have
been detected, most from within the past 4 years. These detections have provided many

firsts in VHE gamma-ray astronomy. Now is an exciting time to be in the field, especially
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with the next generation telescopes in development or in construction, along with the
deployment of GLAST.

An important part of the IAC technique is the atmosphere. The basic characteristics
at the H.E.S.S. site were illustrated in Chapter 3 with the effects on the H.E.S.S. system
discussed in Chapter 4. Much data is lost to the weather and the main variable component
of the atmosphere was shown to be aerosols. This thesis has presented a new technique
to recover this data. This technique called active atmospheric calibration (AAC) takes
into account the effects of aerosols. This is done by altering the wind speed parameter
in CORSIKA cosmic-ray simulations in order to match simulated telescope trigger rates
with observed trigger rates.

The new atmosphere can then be applied to gamma-ray simulations, creating an option
for the analysis of gamma-ray data under different levels of aerosols. It was shown that
active atmospheric calibration most affects energy reconstruction at TeV energies, but
the effective area of gamma rays with energy less than ~ 0.25 TeV start to become more
affected by atmospheric effects. This means that effective area effects will be important
for HESS II, which has a lower energy threshold of ~ 20 GeV. With the installation of
the new LIDAR, transmission values can be directly input into simulations providing a
quicker way to create additional atmospheres for gamma-ray analysis.

Active atmospheric calibration was applied to 2 BL Lacs, PKS2155-304 and H2356-
309, which has a significantly lower flux. The correction for PKS2155-304 proved to be
more effective due to its higher flux and more runs with greater aerosol densities. Never-
theless, another candidate source, PKS 2005-489, similar to H2356-309 in flux, should be
looked into as a check on the assertion that flux correction works best with higher flux
sources.

Lastly, the upper limits to the EBL were calculated using the VHE spectrum of
PKS2155-304 and H2356-309 with a monoenergetic EBL model. My upper limits yielded
results 2-5 times greater than the lower limits from source counts and are in agreement
with the upper limits found by Mazin and Raue, who used 13 AGN tested over 8 million
different EBL shapes. This shows that such a simple and robust way of determining the
EBL is comparable to that of other more complicated techniques. However, the more
AGN detected over a range of distances the better the constraints are to the EBL over a
wider range of wavelengths. With VERITAS now in operation, which has a large cam-
paign to monitor AGN due to its position in the northern hemisphere, we hope to discover

many more AGN which will aid in determining the EBL to a greater degree.
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Appendix A

Observation Period Table

Table A.1: Observation periods with the corresponding

Gregorian dates, modified Julian dates (MJD) and run

numbers.

Period

Dates

MJD

Runs

P2004-01
P2004-02
P2004-03
P2004-04
P2004-05
P2004-06
P2004-07
P2004-08
P2004-09
P2004-10
P2004-11
P2004-12
P2004-13

2004-01-10 to 2004-02-04 |

2004-02-08 to 2004-03-05
2004-03-09 to 2004-04-03
2004-04-07 to 2004-05-03
2004-05-07 to 2004-06-01
2004-06-05 to 2004-06-30
2004-07-04 to 2004-07-29
2004-08-02 to 2004-08-27
2004-09-01 to 2004-09-25
2004-09-30 to 2004-10-25
2004-10-30 to 2004-11-24
2004-11-28 to 2004-12-24
2004-12-28 to 2005-01-23

93014-53039
53043-53069
83073-53098
53102-53128
93132-53157
53161-53186
53190-53215
83219-53244
53249-53273
53278-53303
53308-53333
53337-53363
53367-53393

18870-19382
19487-20199
20208-20633
20641-21031
21034-21478
21486-21860
21862-22241
22258-22661
22696-23170
23182-23315
23499-23709
23716-23865

P2005-01
P2005-02
P2005-03
P2005-04
P2005-05

2005-01-28 to 2005-02-22
2005-02-27 to 2005-03-23
2005-03-28 to 2005-04-22
2005-04-27 to 2005-05-21
2005-05-26 to 2005-06-20
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53398-53423
53428-53452
53457-53482
53487-53511
53516-53541

23910-24188
24360-24657
24714-25230
25247-25709
25754-26714




A. Observation Period Table

A. Observation Period Table

Period

Dates

MJD

Runs

P2005-06
P2005-07
P2005-08
P2005-09
P2005-10
P2005-11
P2005-12

2005-06-24 to 2005-07-19
2005-07-23 to 2005-08-17
2005-08-21 to 2005-09-15
2005-09-19 to 2005-10-14
2005-10-19 to 2005-11-13
2005-11-18 to 2005-12-13
2005-12-17 to 2006-01-12

53545-53570
93574-53599
53603-53628
53632-53657
53662-53687
53692-53717
93721-53747

26723-27362
27375-28111
28127-28663
28708-29340
29361-29615
29631-30005
30011-30065

P2006-01
P2006-02
P2006-03
P2006-04
P2006-05
P2006-06
P2006-07
P2006-08
P2006-09
P2006-10
P2006-11
P2006-12

2006-01-16 to 2006-02-11
2006-02-16 to 2006-03-12
2006-03-18 to 2006-04-11
2006-04-16 to 2006-05-11
2006-05-15 to 2006-06-09
2006-06-13 to 2006-07-09
2006-07-12 to 2006-08-07
2006-08-11 to 2006-09-05
2006-09-09 to 2006-10-04
2006-10-08 to 2006-11-03
2006-11-07 to 2006-12-03
2006-12-06 to 2007-01-01

93751-83777
53782-53807
53812-53836
53841-53866
53870-53895
53899-53925
93928-53954
53958-53983
03987-54012
54016-54042
54046-54072
54075-54101

30140-30322
30466-30604
30886-31108
31282-31960
32077-32806
32831-33392
33445-34006
34023-34622
34644-35259
35287-35715
35827-36216
36318-36511

P2007-01
P2007-02
P2007-03
P2007-04
P2007-05
P2007-06
P2007-07
P2007-08
P2007-09
P2007-10
P2007-11
P2007-12
P2007-13

2007-01-05 to 2007-01-31
2007-02-04 to 2007-03-01
2007-03-07 to 2007-03-31
2007-04-06 to 2007-04-30
2007-05-05 to 2007-05-29
2007-06-03 to 2007-06-28
2007-07-02 to 2007-07-27
2007-08-01 to 2007-08-25
2007-08-30 to 2007-09-24
2007-09-28 to 2007-10-23
2007-10-27 to 2007-11-22
2007-11-26 to 2007-12-22
2007-12-26 to 2008-01-20

94105-54131
94135-54160
94166-54190
54196-54220
54225-54249
54254-54279
54283-54308
54313-54337
54342-54367
94371-54396
54400-54426
54430-54456
54460-54485

36535-36980
37043-37447
37464-37951
37998-38480
38560-39306
39326-39984
40003-40649
40663-41307
41319-41925
41934-42557
42571-42915
43187-43642
43651-44057
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Appendix B

Data Analysis

B.1 Hillas-type Parameterisation

From Section 1.6.2, the main Hillas parameters used to analyse Cherenkov light images

are: |
length = \/(0g2 +0y2 + 5)/2
width = V(o +0,—9))2
distance = )2 + (y)?
miss = fHu(el? o)) - (2o )0/
alpha = sin!(FRk)
azwidth = \/ L ) He) ) ) o)

with,

§= 1/d2+4agy
u=1+(d/s)

V=2 — U
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B. B.2. Correlation Function

These parameters are defined in terms of moments (z", y") with order n and rms

values of the moments (0~ oyn) given by:

(@) = (y) = o
(zy) = Iw

@) = 55 Wy = o
() = %ﬁ W) = %ﬁ
(z%y) = ng:yi, (zy?) = Zgzy?
o= (=)= @) o= () - (W)’

B.2 Correlation Function

Assuming a linear relationship between z and y, Pearson’s correlation coefficient () is
given by,

2ici(mi —T)(yi — 7) (B.1)

NG S CEED 3 (e

where T and 7 are the mean values for each distribution. The correlation coefficient may

¢

be any value between -1.0 and 1.0.
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B.3. Trigger Rate Figures
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Figure B.3: Air pressure versus corrected trigger rate.
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Figure B.4: Relative humidity versus corrected trigger rate.
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B.3. Trigger Rate Figures
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Figure B.5: Sky radiance versus corrected trigger rate.
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Figure B.6: Muon efficiency versus corrected trigger rate.
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B.4. EBL Error Analysis

B.4 EBL Error Analysis

Using propagation of error, the associated errors for the variables used in EBL analysis

in Section 4.8 (with corresponding equations) are as follows:

Quantity Error

Emitted Spectral Index (Eq. 4.22) or, = or,

EBL energy' (Eq. 4.8) Oc = -E%a&,

EBL wavlength o = 1240,

Normalised Emitted Flux (Eq. 4.15) oF, ~ \/(%> ‘ of, + (Fo (%) In (FO%Q> or, )72
Stecker Optical Depth (Eq. 4.17) o = (—Q%MUEW

Schroedter Optical Depth (Eq. 4.13) or,, = o0y

EBL Intensity (Eq. 4.12) our = 2 /(e0,)?+ (10.)2(1.6 x 10710

'With op, = 0.15E,.
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Appendix C

Run Lists

Table C.1: Run number list for HESS J1813-137 with

ceilometer and observation quality information. Num-

bers in the last line indicate: total number of run num-

bers, good ceilometer runs, good observation runs, and

runs analysed.

184

Run | Ceilometer Observation Quality Analysed?
20964 Good Good Y
20965 Good Good Y
20966 Good Good Y
21521 Good Large TR fluctuations N
21528 1 event Good N
21545 1 event Good N
21548 1 event No broken pixel info N
21563 1 event Good N
21564 1 event Good N
21590 Good Good Y
21604 1 event Good N
21605 1 event Good N
21624 1 event Good N
21677 | 4 minutes | Too many broken pixels N
21697 no file Good N
22352 Good Good Y




C. Run Lists C. Run Lists
Run | Ceilometer Observation Quality | Analysed?
22353 Good Good Y
22370 Good Good Y
22371 Good Good Y
22408 | High BS Low TR! Y
22409 | High BS Low TR Y
27017 Good Incorrect Declination N
27047 Good Incorrect Declination N
27079 Good Incorrect Declination N
27080 Good Incorrect Declination N
27102 Good Incorrect Declination N
27103 Good Incorrect Declination N
27104 Good Incorrect Declination N
27105 Good Incorrect Declination N

29 19 18 10

1Low TR runs were kept because the only thing affecting them is the large backscatter.

185



C. Run Lists

C. Run Lists

Table C.2: Run number list for HESS J1837-069 with

ceilometer and observation quality information. Num-

bers in the last line indicate: total number of run num-

bers, good ceilometer runs, good observation runs, and

runs analysed.

Run Ceilometer Observation Quality | Analysed?
20848 Good Good Y
20878 1 event Good N
20879 1 event Good N
20984 Good Good Y
21441 Noisy Good N
22296 Good Good Y
22297 Good Good Y
22302 Good Good Y
22303 Good Good Y
22308 Good Good Y
22309 Good Good Y
22356 Good Good Y
22357 Good Good Y
22449 High BS Low TR Y
22450 High BS Low TR Y
23009 6 minutes Too many broken pixels N
23010 5 minutes Too many broken pixels N
23022 Good Good Y
23023 Good Good Y
23051 Good Good Y
23052 Good Large TR fluctuations N
27020 Good Good Y
27021 Good Good Y
27081 Good Good Y
27082 Good Good Y
27122 Good Good Y
27123 Good Good Y
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C. Run Lists C. Run Lists
Run Ceilometer Observation Quality | Analysed?
27152 Good No info N
27253 Good No info N
33662 | No primary dataset Good N
33663 | No primary dataset Good N
33664 | No primary dataset Good N
33665 | No primary dataset Good N
33666 | No primary dataset Good N
33691 | No primary dataset Good N
33692 | No primary dataset Good N
33693 | No primary dataset Good N
33714 | No primary dataset Good N
33716 | No primary dataset Good N
33717 | No primary dataset Good N
33718 | No primary dataset Good N
33719 | No primary dataset Good N
33720 | No primary dataset Good N
33721 | No primary dataset Good N
33738 | No primary dataset Run too short N
33739 | No primary dataset Low TR N
33740 | No primary dataset Low TR N
33741 | No primary dataset Low TR N
33742 | No primary dataset Low TR N
33743 | No primary dataset Low TR N
33744 | No primary dataset Low TR N
33745 | No primary dataset Low TR N

52 24 46 21
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C. Run Lists C. Run Lists
Table C.3: Run list for PKS2155-304 along with atmo-
spheric class classified by wind speed.

Run | Wind Speed | Run | Wind Speed || Run | Wind Speed
21707 17.5 21971 22.5 22048 22.5
21708 17.5 21979 22.5 22049 22.5
21723 20 21980 22.5 22050 22.5
21724 20 21981 22.5 22052 22.5
21883 20 21982 22.5 22053 22.5
21885 22.5 21983 22.5 22054 22.5
21886 22.5 21984 22.5 22055 22.5
21898 22.5 21985 22.5 22058 20
21899 20 21986 22.5 22059 17.5
21900 20 21987 22.5 22060 17.5
21901 20 21999 20 22061 17.5
21912 17.5 22000 20 22062 17.5
21913 17.5 22001 20 22063 17.5
21914 17.5 22002 20 22064 17.5
21915 17.5 22003 20 22066 17.5
21916 17.5 22004 20 22067 17.5
21917 17.5 22005 20 22068 17.5
21945 22.5 22006 20 22069 17.5
21946 22.5 22007 20 22070 17.5
21947 22.5 22008 20 22071 17.5
21948 22.5 22009 20 22072 17.5
21949 22.5 22010 20 22073 17.5
21950 22.5 22011 20 22074 17.5
21952 22.5 22012 22.5 22075 17.5
21953 22.5 22041 22.5 22083 17.5
21967 22.5 22044 22.5 22084 17.5
21968 22.5 22045 22.5 22087 17.5
21969 22.5 22046 22.5 22088 17.5
21970 22.5 22047 22.5 22089 17.5
22090 17.5 22143 22.5 22240 17.5
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C. Run Lists C. Run Lists
Run | Wind Speed || Run | Wind Speed | Run | Wind Speed
22091 17.5 22144 22.5 22328 17.5
22092 17.5 22153 22.5 22329 17.5
22093 17.5 22156 22.5 22362 17.5
22094 17.5 22157 22.5 22364 17.5
22095 17.5 22158 22.5 22374 17.5
22096 17.5 22159 22.5 22376 17.5
22097 17.5 22160 22.5 22378 17.5
22098 17.5 22161 22.5 22380 20
22109 22.5 22162 22.5 22386 20
22110 22.5 22171 17.5 22388 20
22111 22.5 22172 17.5 22393 20
22112 22.5 22173 17.5 22523 22.5
22113 22.5 22174 17.5 23228 17.5
22114 22.5 22175 17.5 23229 17.5
22115 22.5 22176 17.5 23239 17.5
22117 22.5 22177 17.5 23240 17.5
22118 22.5 22179 17.5 23256 17.5
22119 22.5 22183 17.5 23271 17.5
22120 22.5 22184 17.5 28426 17.5
22121 22.5 22185 17.5 28427 17.5
22130 22.5 22186 17.5 29373 17.5
22133 22.5 22187 17.5 29374 17.5
22137 22.5 22188 17.5 29386 17.5
22138 22.5 22190 17.5 29428 17.5
22139 22.5 22193 17.5 29429 17.5
22140 22.5 22194 17.5 29442 17.5
22141 22.5 22231 22.5 29443 17.5
22142 22.5 22232 22.5 29792 17.5
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C. Run Lists

C. Run Lists

Table C.4: Run list for H2356-309 along with atmo-

spheric class classified by wind speed.
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Run | Wind Speed || Run | Wind Speed || Run | Wind Speed
21727 16 22591 10 23237 16
22344 16 22609 19 23238 16
22345 16 22610 19 23261 16
22363 16 22624 22.5 23262 16
22377 16 22625 22.5 23272 16
22379 16 22892 10 23273 16
22391 19 22894 10 23274 16
22392 19 22895 10 23275 16
22413 22.5 22896 10 23502 16
22414 22.5 22915 10 23539 16
22415 22.5 22916 10 23540 16
22416 22.5 22917 10 23541 16
22438 22.5 22918 10 23543 16
22439 22.5 22994 10 23553 16
22503 22.5 22995 10 23554 16
22504 22.5 22996 10 23569 16
22507 22.5 23028 10 23570 16
22508 22.5 23029 10 23571 16
22509 22.5 23031 10 23633 16
22524 19 23063 16 23634 16
22525 19 23054 16 26422 16
22526 19 23055 16 26424 16
22527 19 23056 16 26425 16
22572 16 23073 16 26428 16
22573 16 23074 16 26497 16
22574 16 23075 16 26500 16
22588 16 23076 16 26501 16
22589 16 23122 16 26502 16
22590 16 23227 16 26503 16
26622 22.5 27330 16 34985 19




C. Run Lists C. Run Lists
Run | Wind Speed || Run | Wind Speed | Run | Wind Speed
26704 19 27331 16 34986 19
26705 19 27332 16 35005 19
27063 16 27333 16 35006 19
27064 16 27342 16 35007 19
27113 16 27343 16 35008 19
27114 16 27361 16 35009 19
27115 16 28331 22.5 35010 19
27132 16 28332 22.5 35050 19
27133 16 28394 22.5 35051 19
27163 16 28395 22.5 35052 19
27164 16 28396 22.5 35053 19
27165 16 34297 19 35054 19
27166 16 34471 19 35055 19
27187 16 34493 19 35099 19
27188 16 34511 19 35100 19
27189 16 34909 16 35101 19
27205 16 34929 16 35102 19
27206 16 34930 16 35103 19
27207 16 34931 16 35104 19
27208 16 34932 16
27260 16 34933 16
27261 16 34956 16
27262 16 34957 16
27294 16 34959 16
27295 16 34960 16
27296 16 34982 19
27297 16 34983 19
27298 16 34984 19
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